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ABSTRACT
X- AND GAMMA-RAY OBSERVATIONS OF THE 
15 NOVEMBER 1991 SOLAR FLARE
by
Martina Belz Arndt 
University of New Hampshire, September 2000
This dissertation expands the current understanding of the 15 November 1991 
X I .5 solar flare. This flare was a well observed event in radio to gamma-ray energies and 
is the first gamma-ray flare to be extensively studied with the benefit of detailed soft and 
hard X-ray images. In this work, we add data from all four instruments on the Compton 
Gamma Ray Observatory (CGRO), spanning 20 keV -  300 MeV. From these data we 
determined that the accelerated electron spectrum above 170 keV is best fit with a power 
law with a spectral index -4.6. We determined that the accelerated proton spectrum 
above 0.6 MeV is also fit with a power law, with spectral index s ~ -4.5. From these 
distributions, we computed a lower limit for the energy content o f these particles: - 1023 
ergs for the electrons above 170 keV and ~1027 ergs for the ions above 0.6 MeV. These 
particles do not have enough energy to produce the white-light emission observed from 
this event.
xvii
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We computed a time constant x of 26^ “  for the 2.223 MeV neutron capture line. 
This is consistent at the 2a level with the lowest values o f ~70s found for other flares.
We modeled the impulsive X-ray emission from this flare with a ID  spatial 
diffusion equation (Ryan and Lee 1991). We assumed a constant magnetic field and that 
turbulence and collisions affects the transport of particles. For relativistic electrons, we 
found that X-ray observations during the impulsive phase can be explained i f  turbulence 
is present such that the mean free path between interactions is 0.1% of the total loop 
length. Collisions can be included, but are not necessary. We found that the injection 
source of accelerated particles is most likely located near the apex of the coronal loop. 
This model can also explain other features of the X-ray observations.
xviii
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CHAPTER I
INTRODUCTION
The Sun is our closest star and an ideal laboratory for studying high-energy flares 
that occur not only on our Sun but also on other stars. Solar flares are some of the most 
energetic events in the solar system, releasing on the order of 1030 ergs. Though 10 
million times greater than the energy released in a volcanic eruption, this release is 0.1% 
the energy emitted from the entire Sun per second (3.8 x 1033 erg/s). Flares are unique 
because their intense energy release is concentrated within regions a fraction of the Sun’s 
size.
Solar flares are powered by magnetic energy. High-energy processes similar to 
those taking place in solar flares occur throughout the Universe that is permeated by 
magnetic fields. If  we understand the mechanisms at work at the Sun, we gain insight into 
more elusive high-energy emitting objects such as black holes, pulsars, flaring stars, and 
quasars.
Solar flares affect the Earth. Very intense flares can cause the Earth’s atmosphere 
to expand, increasing drag on satellites in low Earth orbits, and affecting radio 
communications. Charged particles associated with flares can damage satellite electronics 
and can be harmful to humans at high altitudes. The Federal Aviation Authority and the 
United States Air Force maintain interest in solar flares to mitigate radiation hazards to 
personnel and avionics.
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On IS November 1991, an intense X l.5 solar flare occurred, lasting 
approximately 5 minutes in soft X  rays (1- 10 keV; SXRs). This flare was observed in a 
broad energy spectrum from radio to gamma rays, and is unique because it is the first 
gamma-ray flare to also have detailed SXR and hard X-ray (10 -100 keV; HXR) images.
The intent of this dissertation is to add to the extant body of knowledge of the 15 
November 1991 solar flare by adding high-energy data above I MeV from instruments 
on the Compton Gamma-Ray Observatory (CGRO). Until now, data analyses have 
primarily concentrated on energies below 1 MeV (e.g. Sakao 1994; c.f. table 2.1) and on 
a five-minute time period of significant SXR and HXR emission. We also explore the 
ability of a diffusion model (Ryan and Lee 1991) to explain the temporal and spatial 
variations of the X-ray emission from this flare. With this multi-wavelength study we 
present a more comprehensive high-energy picture of this event.
In this introduction, we tie together the basic ingredients required for high-energy 
solar flares: the Sun, solar magnetic fields, and high-energy physics. We start with a basic 
overview of the Sun and solar flares. This is followed with a brief description of high- 
energy particles and processes responsible for X - and gamma-ray emission. We then 
provide a brief history of high-energy solar flare research as a segue to Chapter II 
(Observations), a summary of all the experiments that collected data from this solar 
event.
Chapter III (Review of Previous Studies) is a review of the significant body of 
research already completed on this flare. Chapter IV  (New High-Energy Results) 
introduces new high-energy data from instruments on the CGRO, as well as descriptions 
of our data analysis techniques. In Chapter V (Discussion), we model the impulsive X-
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ray emission, and conclude with Chapter V I (Conclusions), where we discuss future work 
and implications of this research for future multi-wavelength studies of solar flares.
The Sun
Solar Structure
The basic structure of the Sun can be broken down into its core (0 —» 0.2S Rs), 
radiation zone (0.25 -> 0.7 Rs), convection zone (0.7 -» 1.0 Rs), and solar atmosphere 
(>1.0 Rs). This solar atmosphere consists of the photosphere, chromosphere, and corona 
(figure 1.1; Rs = 1 solar radius).
The Sun is comprised almost entirely of plasma, i.e. free electrons, ions, and 
protons. The plasma is neutral on all but the smallest of scales. When the Sun was formed 
4.5 billion years ago, it formed from material blown off stars that had gone through their 
life cycle and produced heavy elements such as carbon, oxygen, and iron. As a 
Population I star, the Sun contains traces of these heavier elements.
The ion content of the solar plasma is dominated by H and He. Solar energy is generated 
in the core through fusion of H into He, a process that produces positrons, neutrinos, and 
gamma rays. The neutrinos (ve) escape from the Sun, while positrons (e*) annihilate with 
free electrons (e*) to produce more gamma-ray photons. These photons are absorbed and 
re-emitted many times as they transport through the radiation zone to the photosphere. 
When the photons reach the surface after nearly 106 years, their energies have degraded 
to the visible part of the spectrum.
Above the radiation zone, the solar plasma is in constant motion, transporting 
energy through the convection zone. Above this zone is the photosphere, or visible 
surface of the Sun.








Figure 1.1: A schematic diagram showing the structure of the Sun. The core, 
radiative, and convection zones all lie below the visible surface (photosphere) 
of the Sun. The chromosphere and corona make up the upper atmosphere. 
(http://vestige.lmsal.com/TRACE/Images/sunrollover/sun 1 image.gif).
Temperature and density generally differentiate the strata of the solar atmosphere 
above the photosphere. This atmosphere is made up o f the chromosphere (2500 km 
thick), transition region (-500 km thick), and corona (> 3000 km above photosphere). 
The regions of most relevance to our discussion of solar flares are the photosphere, 
chromosphere, and the corona.
The temperature of the tenuous corona is significantly higher than the 
temperature of layers below it (figure 1.2). Coronal heating has been a puzzle for solar 
physicists, and the current theory of the energy transport (heating) mechanism relies on 
solar magnetic fields. Chromospheric heating, though involving less spectacular






Figure 1.2: Plot o f plasma temperature in the atmosphere above the photosphere. Both the 
chromosphere and corona are thought to be heated by energy transported by magnetic fields. 
(Zeilik and Smith 1987).
temperatures than coronal heating, also relies on energy transport by magnetic fields. The 
magnetic fields responsible for this heating play a central role in solar flares.
Solar Magnetic Field
In the convection zone, bulk plasma motions generate the Sun’s dynamic 
magnetic field. In sustaining this magnetic field, the plasma twists and stretches field 
lines, resulting in solar features such as coronal mass ejections, prominences, loop 
arcades, spicules, and solar flares.
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Figure 1.3: Yearly averaged sunspot numbers as a function of time, showing the solar cycle with a typical 
period -11 years. The Maunder Minimum (16S0 -  1700) and the Dalton Minimum (1795 -  1823) are 
shown, (http://wwwssl.msfc.nasa.gov/ssl/pad/solar/images/ssn_yearly.jpg).
Areas on the Sun where the strongest magnetic field emerges from the 
photosphere are termed sunspots. These spots are less luminous than the surrounding 
photosphere, and are often clustered together in active regions. The average solar 
magnetic field strength is 10 -  SO Gauss, while the magnetic field in sunspots has been 
measured as high as 2S00 -  5000 Gauss.
Though the Sun is dynamic, over the time scale of years it behaves in a relatively 
predictable way. The sunspot cycle has a period o f 11 years that is evident in the 
frequency of sunspots (figure 1.3). A few notable periods are characterized by reduced 
sunspot numbers: the Sptirer ( 1450 -  1550; not shown), Maunder (-1650 -1700), and 
Dalton (1795 - 1823) minima. These periods have been correlated with significant 
changes is weather patterns (e.g., Little Ice Age in Europe during the Maunder 
minimum), suggesting that the Sun plays a role in Earth’s climate.
In regions where the B field is strong (B2/8 ic » 3nkT/2) the plasma is confined by 
the magnetic fields. Because this plasma radiates from radio to X  rays, it is possible to
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identify otherwise invisible magnetic structures and visualize the magnetic morphology 
o f active and flaring regions.
Potential magnetic fields (those with no currents), when stressed or sheared 
become non-potential in shape and can be a source o f energy. Field lines that “break 
apart” and reconnect (magnetic reconnection) can release on the order of 1032 ergs. This 
energy can be converted into shocks, thermal heating, electric fields, and MHD 
turbulence, all o f which affect solar flare particles.
Solar Flares
A solar flare is a rapid and intense increase in brightness on the Sun that can be 
detected in radio to gamma-ray energies. Flares occur in active regions where the 
magnetic field is strong and is most likely to undergo magnetic reconnection.
The current picture of solar flares has an energy release that leads to particle 
acceleration in the corona. This mechanism that may be a combination of shocks, electric 
fields, and turbulence, accelerates charged particles (e.g. electrons, protons, heavier ions) 
in many directions. Those accelerated outward can follow “open” coronal magnetic field 
lines and may be detected as Solar Energetic Particles (SEPs). Those travelling toward 
the Sun do so also along coronal magnetic field lines. These coronal B field lines 
typically form arch-like magnetic structures called coronal loops that are anchored in the 
denser chromosphere at their footpoints. Coronal loops can be as long as 1 Rs, while 
footpoints are confined to small fractions of the surface o f the Sun.
Electrons that accelerate through the loop radiate in radio to X  rays. Accelerated 
electrons and protons often precipitate to the footpoints where they interact with the
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and other high-energy 
particles
Chromosphere or Photosphere
Figure 1.4: Model of a high-energy solar flare: accelerated particles propagate down magnetic Held 
lines to the chromosphere and/or photosphere. Loop emission spans radio to X rays, while footpoint 
emission ranges from visible to X rays. High-energy particles such as neutrons are produced in the 
footpoints as well.
chromosphere and photosphere. These interactions result in visible to gamma-ray photons 
and the release of other high-energy particles such as neutrons and positrons (figure 1.4).
Though the work in this dissertation does not concentrate on the acceleration 
mechanisms within the IS November 1991 solar flare, we provide a brief introduction to 
electric field, shock, and turbulent acceleration mechanisms.
Electric Field Acceleration
Maxwell’s equations state:
V x g  = M j + i ^
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Therefore, in the presence o f a magnetic field whose curl does not vanish (e.g. 
non-potential field), there exists an electric current. According to Ohm’s law, this current 
is accompanied by an electric field. A time dependent magnetic field can also induce an 
electric field.
Charged particles in a flaring region experience a force from these electric fields, 
and will undergo collisions. Given these interactions, the equation of motion for an 
electron in the direction parallel to its velocity is (Priest and Forbes 2000; Tandberg- 
Hanssen and Emslie 1988):
m, ^  = -  e E -  v m. vcoU 
where eE is the Lorentz force (e < 0), vcon is the collision frequency, m« is the electron 
mass, and v is the electron velocity. The collision frequency is proportional to v*3, so as 
the electron velocity (energy) increases, the collision rate decreases, and the Lorentz 
force dominates. This situation in which faster electrons are selectively accelerated by the 
electric field is known as electron runaway.
A  critical velocity v^t exists when the net force on the electrons vanishes. 
Electrons with velocities below Vcm are not accelerated, while electrons with velocities at 
or above Vcm are. The electric field present when vcrit =  v * (thermal velocity) is known as 
the Dreicer field (Ed), i.e., (Tandberg-Hanssen and Emslie 1991; Benz 1993; Priest and 
Forbes 2000):
Nearly half the electrons in a Maxwellian population w ill be accelerated in a Dreicer 
field.
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The ability of electric fields to accelerate charged particles is complicated by the 
fact that since these particles are in motion, a return current is often induced cancelling 
the effect of the original electric field. On the other hand, charged particle motions may 
induce plasma instabilities, such as ion acoustic waves, that increase the resistivity of the 
plasma (Longair 1992; Priest and Forbes 2000). However, the increase in resistivity 
produces a potential drop, forming a double layer in which electrons and protons 
congregate at opposite ends of the drop, analogous to a parallel plate capacitor.
Shock and Turbulent Acceleration
Turbulence can exist independently of shocks, however shocks and turbulence are 
often coupled; plasma on the trailing side of a shock is more turbulent than the plasma at 
the leading edge. Regardless, both mechanisms can play a role in first- and second-order 
Fermi acceleration.
First-order Fermi acceleration occurs if  two “walls” converge toward each other, 
accelerating the particles between them. The walls in this case can be shock fronts or 
turbulence due to disturbances or waves in B field lines. A charged particle between these 
converging “walls” behaves much like a ping pong ball between two converging paddles: 
interactions with the paddles are always head on, resulting in a net energy gain.
This is a highly idealized situation. In the turbulent and violent conditions within 
a flaring region, particles undergo second-order Fermi acceleration. In this case, multiple 
“walls” due to turbulence or multiple shocks (“shocklets”) move in random directions. 
Particles in such an environment may then gain energy from head-on collisions, and 
subsequently lose energy in “catch up" collisions with scattering centers moving in the 
same direction as the particle. On average there are more frequent head-on collisions,
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resulting in a net energy gain. Though both methods accelerate particles, first-order Fermi 
acceleration is generally more efficient than second-order Fermi acceleration.
Accelerated Particles
These electric field, shock, and turbulence mechanisms accelerate charged 
particles. The energy spectrum o f these particles allows us determine the limits of the 
energy content o f these particles.
The particle energy spectrum dN'(E)/dE (ions/MeV) can be deduced by 
measuring high-energy flare photons or SEPs, and by making proper assumptions about 
the transport conditions within the flare or interplanetary space. Since no SEPs were 
detected from the IS November 1991 event, we focus on flare emission and conditions.
The differential distribution of accelerated ions dN'(E)/dE can be described by at 
least three forms (Ramaty 1986):
1) A power law with spectral index s where:
2) Exponentials in rigidity where:
In all cases, A is proportional to the abundances o f energetic ions. The rigidity of 
particle j, Rj, is defined as Rj= (A '/Z)j p where A ' is the atomic number and the particle 
momentum per nucleon p = [E(E + 2mpc2)]l/2.
3) Bessel Functions where:
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
30
Kz is the modified second-order Bessei function where a  is the acceleration rate 
and T is the escape time. The mean free path between particles and the escape time T are 
constant. The larger the value of aT, the harder the ion spectrum. The Bessel function 
form is valid for relativistic particles. The exponential form has not been used in previous 
studies of this flare, therefore we focus on the power law and Bessel Function forms. 
Transport Models
Once particles are accelerated toward the Sun, they are transported along coronal 
loops and often precipitate to the footpoints. As the particles are transported they interact 
with magnetic fields and their diffusion may be affected by Coulomb collisions with 
other charged particles or MHD turbulence. Given the violent nature of solar flares, it is 
not unreasonable to assume both turbulence and particle collisions are present.
Regardless of whether Coulomb collisions or turbulence are present, charged 
particles feel the Lorentz Force (E = q (E + >Px §)) and gyrate around coronal loop B 
field lines with the Larmor radius
_ mvx 
'  lq |B /
vxis the component of the velocity perpendicular to the magnetic field. Given equal 
velocities, an ion w ill have a larger radius than that of an electron because o f its larger 
mass.
In a region o f converging magnetic field lines (e.g. toward footpoints), a gyrating 
particle sees an ever stronger field. The convergent field (B) is related to the constant 
field (B0) by:
B0 _ ViD _ sin280 
B v* sin 0
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where 0O is the angle between v and BQ. If  a particle’s orientation is such that its value of 
0 is less than 0o (e.g. after a collision), the particle w ill be “lost”. This process is referred 
to as loss cone scattering and is important for particle diffusion.
In some cases, particles do not escape and are instead mirrored by the converging 
field lines (e.g., the particles reverse their direction parallel to the magnetic field line).
The particles can be stored in a magnetic bottle and remain trapped for an extended 
period o f time. However, given that collisions are likely taking place in solar flares, this 
magnetic bottle cannot contain particles forever, and particles w ill eventually escape 
through loss cone scattering. Coulomb collisions between high-energy charged particles 
are responsible for bremsstrahlung continuum X-ray emission, a process discussed later 
in this chapter.
Turbulence from magnetic fields can take the form of waves in the magnetic field. 
These magnetic fluctuations (5B ) can be in the form of Alfven or other plasma waves 
propagating down magnetic field lines. In the flaring loop morphology, field lines are 
“stiff’, implying that fluctuations are relatively small. The Lorentz force expression 
shows that the magnetic field does no work. However, from Maxwell’s equations, if  the 
magnetic field fluctuates with time in the rest frame of the particle, there is an electric 
field that can accelerate the particle.
In general, there are at least three phases to a flare: a possible precursor, the 
impulsive phase during which the most intense and variable emission occurs, and the 
decay or gradual phase where the emission returns to background levels. The time profile 
(and therefore the phases) o f a flare varies significantly depending on energy. For 
example, long duration gamma-ray flares (LDGRFs) exhibit emission above 1 MeV for a
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time (minutes to hours) after emission below 1 MeV has diminished to background levels 
(Ryan 2000).
High-Energv Emission 
High-energy electromagnetic radiation can be used to estimate flare plasma 
parameters, i.e., strength of magnetic fields, temperature, density, and local composition. 
These photons are produced by many processes, some of which are described below. In 
this dissertation, we use high-energy emission to deduce plasma temperature, accelerated 
particle spectra, and elemental abundance within the 15 November 1991 solar flare.
Table 1.1 summarizes some of the fundamental particles and ions involved in 
high-energy solar flares. Generally, accelerated particles interact with other particles to






“Light”, feels electromagnetic force
Positron
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n = number of protons and neutrons 
A = number o f protons 
Z = charge o f nucleus 






Formed by capture of free neutron. 
2.223 MeV line is emitted during 
process
a  particle 
4He +2 Ionized He, 2 protons and neutrons
Table 1.1: Summary o f high-energy particles, including nomenclature an< 
comments on interaction properties.
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generate high-energy emission. Electrons and ions can Coulomb scatter, resulting in 
continuum bremsstrahlung emission. Accelerated protons, neutrons, and a-particles can 
collisionally excite ambient nuclei, while the reverse process is also true: accelerated 
nuclei can be excited by interacting with ambient protons, neutrons, and a-particles. 
When these nuclei de-excite, they emit photons at gamma-ray energies, typically 0.5 -  7 
MeV. Gamma-ray lines are also formed by processes such as positron annihilation (0.511 
MeV), neutron capture (2.223 MeV) and pion decay (broad line centered on 67.5 MeV). 
In addition, energetic electrons emit synchrotron radiation as they gyrate about magnetic 
field lines. We now briefly describe a few of these processes in more detail. 
Bremsstrahlung (Continuum Emission!
Continuum soft and hard X  rays on the Sun are generated through 
bremsstrahlung. Electrons are more agile than heavier ions so that free electrons 
Coulomb scatter o ff ions in a free-free interaction. The resulting bremsstrahlung 
spectrum, coupled with assumptions about the conditions within the interaction region, 
can be used to determine the energy distribution F(E) o f accelerated electrons. This can in 
turn be used to determine the energy content of the particles. Figure 1.5 summarizes a 
few different scenarios under which bremsstrahlung emission is produced.
Plasmas where T = 10® K. produce thermal bremsstrahlung in soft X  rays. A 
thermal plasma is one where, due to collisions between particles, the magnitudes of 
electron velocities are distributed about the thermal velocity v* with a Maxwellian 
distribution. The width of this distribution depends on a temperature.
Non-thermal bremsstrahlung produces hard X-ray emission. Bremsstrahlung 
emission is non-thermal if  electron velocities (or energies) are not described by a
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Figure 1.5: Processes behind bremsstrahlung X-ray emission. Combining the observed photon energy 
distribution 1(E) with assumptions about the interaction region site, we are able to deduce the energy 
spectrum F(E) of the accelerated electrons. (Tandberg-Hanssen and Emslie 1988; Sakao 1994; Gary 1985; 
Hudson et al. 1978; Brown 1971)
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Maxwellian distribution. This distinction becomes more evident at the high velocity end 
(or tail) o f particle distributions. For example, a non-thermal electron distribution may 
have peaks centered at different velocities due to particle beaming, where high-energy 
electrons are injected into thermalized plasma. A more common non-thermal distribution 
on the Sun (and throughout astrophysics) is a power law where F(E) «  E'8. Assuming no 
subsequent or continuing energy input, non-thermal electrons eventually thermalize on a 
timescale that depends on the mean time between collisions.
High-Energy Particles and Gamma-Ravs
Protons, electrons, and ions (e.g. a  particles, C, N, and O) are plentiful in the 
solar plasma. Additional high-energy particles (e.g. neutrons) are produced from nuclei 
through spallation. Those processes which produce electrons (in addition to the ambient 
electrons) and positrons do so through (3 decay.
Spallation. Spallation occurs during collisions between high-energy particles (e.g. 
protons and a  particles) and nuclei. The nuclei “break apart”, ejecting nucleons (neutrons 
and protons), leaving the nucleus highly excited. Sample processes include:
p + a -> p + n + JHe + tc° 
a + a ->n  + fBe ->y04»m.v)
a + a -^p  + f u  *  Yo 471 M *v)
p + p-»p + n + it*
Any number of pions (ic°, it+, and it) can be produced if  charge is conserved and the 
energy is great enough.
Gamma-Rav Prompt Lines. Gamma-ray prompt lines originate from excited nuclei that 
de-excite within ~10'9 s, and emit gamma-ray photons with energies on the order o f 1
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MeV. Nuclei are excited by high-energy collisions with protons and a  particles. Sample 
reactions include:
p + “o  -> p +(,60
16 / I I  •  \
a  + 0 - > a + a + (  C 
I f  nuclei are in motion and collide with ambient protons and a  particles, the
gamma-ray emission is doppler broadened, while moving protons and a-particles collide
with ambient nuclei, the emission is not appreciably broadened (Share et al. 2000.)
Neutron Capture (2.223 MeVI. Neutrons produced by spallation can I) decay
('tdec«y~ 918 s), 2) escape the Sun as SEPs (and eventually decay), or 3) be captured by
nuclei once they thermalize. Slow neutrons captured by protons produce deuterons (2H)
and a gamma-ray line at 2.223 MeV, the binding energy o f the deuteron. Neutrons
captured by 3He produce 4H and no emission:
H  +  n —> H +  Y«a Mtv 
JHe +  n ->  4H +  p .
The intensity and time variation of the 2.223 MeV photon emission depends on proton 
and 3He densities and their respective capture cross sections. Since neutrons can be 
captured by either lH or 3He, the above processes compete for free neutrons. Therefore, 
the behavior o f2.223 MeV emission can be used to study 3He abundance. The neutron 
capture line can persist on the order of minutes because of the time it takes thermalized 
neutrons to be captured. The cross section of the capture is an inverse function of the 
neutron velocity (v *).
The 2.223 MeV spectral line is narrow and is common in solar flares. A dense 
medium is required to thermalize neutrons before they decay. On the Sun, this process
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occurs in the photosphere so that the 2.223 line is never appreciatively broadened or 
shifted.
Pion Decay. Pions (it, it0, re*) are created through p -  p and a  -  p interactions. 
Charged pions decay into muons (p', p*), which then decay into electrons and positrons. 
Some typical processes for generating pions include:
p + p-»p + p + re°
Y+p->p + R .
As the incoming proton energy increases, so does the energy of the emitted pion. Neutral 
pions (re0) at rest decay into two 67.5 MeV gamma rays in 10'16 s:
n  Y»TJ M«V +  Y«75 M.V •
Positron Annihilation (0.511 MeVV Positrons (e*) are a byproduct of muon 
decay, the (3 decay of radioactive nuclei, and pair production. In pair production, a high- 
energy photon within a nuclear field is converted into an electron - positron pair.
Once formed and given chromospheric temperatures 106 K> T > 10s K, positrons 
can combine with electrons to produce a positronium atom. This atom self annihilates and 
emits two gamma-ray photons at or below 0.511 MeV, depending on the relative 
orientation of the electron and positron spins. For coronal temperatures (106 K), free 
annihilation processes dominate without the formation o f positronium.
Synchrotron Radiation. Synchrotron radiation is produced by electrons gyrating 
around magnetic field lines. Gyro-synchrotron radiation (microwaves) is due to mildly 
relativistic electrons while synchrotron radiation (X  rays) is due to relativistic electrons.
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Solar Flare Abundances. Temperature, and Particle Spectra
The high-energy emission we detect allows us to determine important solar flare 
parameters such as temperature, density, and elemental abundances. It also tells us 
something about the accelerated particle spectrum. We present a few common approaches 
used to determine T, abundances, and particle spectra.
Relative solar elemental abundances are found by applying KirchofF s rules of 
spectroscopy to solar spectra. The photosphere emits black body radiation. Therefore, 
absorption lines in the solar spectrum reveal what elements are present in the cooler 
chromosphere. Spectroscopy of total solar eclipses show which elements are present in 
the extended solar atmosphere. Helium was discovered through spectroscopic 
observations during a total solar eclipse in 1868.
Gamma rays tend to be produced in dense media. Therefore, gamma-ray 
spectroscopy can be used to determine local (within the flaring region) elemental 
abundances. For example, the 2.223 and 4-7 MeV emission can be used to constrain local 
3He/H abundances.
Neutron production rates can be estimated by 4-7 MeV emission since the a  
particles and protons that play crucial roles in 4-7 MeV emission are also responsible for 
neutron production. The 2.223 MeV flux is assumed to fall off exponentially with a time 
constant t. The characteristic time t  incorporates neutron capture (Th, ?%) and decay 
times (Td ~ 918 s) such that
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
39
The time for neutron capture by any nucleus dependends on the capture cross section (a),
the density (n) and speed (v) of particles such that
x =  I 1 nvo  ’
The capture cross sections for H and He are given by (Hua and Lingenfelter 1987):
_ _ 7.3 x 10'”
---------V------
aH, = 1.6 x 10 a H.
The capture times can now be expressed in terms o f H and He abundance:
 1.9x10 _ _ 8.5x10*H    and TH .--D r----- •n„ ne
n H
An analytical expression for the 2.223 MeV flux, adopted by Prince et al. 1983, 
Vestrand and Forrest (1993), and Yoshimori et al. (1999), is
F1H}(t)=AJ' SdO e^’dt'
where S(t0 is the neutron injection rate, assumed to be proportional to 4-7 MeV count 
rate. The proportionality constant A absorbs the effective area required to convert count 
rate to flux. Since we measure 2.223 MeV flux (or count rate; F? » i(t)) and the 4-7 count 
rate for S'(t), we can deduce x. Assuming nn abundances, we can then compute the He/H 
ratio.
Plasma temperature can be determined at least two ways. I f  we detect CaXIX (3.9 
keV) emission, we know T = 107 K. We can also use soft X-ray and radio fluxes with the 
plasma emission measure Q(T) to determine T. The emission measure Q(T) is a measure 
of the emitting power at temperatures between T and dT in a volume dV:
Q(T) dT = n* dV .
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Q(T) is used to express the total flux emitted in a spectral line (SXR and radio). It should 
be noted that the determination of Q(T) is neither well posed nor unique -  only its 
integral over temperature is well defined.
Accelerated particle spectra (dN'(E)/dE, ions/MeV) can be deduced by comparing 
observed gamma-ray line fluences with theoretical values computed through Monte Carlo 
simulations. An initial accelerated particle spectrum (of power law or Bessel function 
form), transport conditions, and local abundances are input into the simulation, producing 
a theoretical photon spectrum. The values of s and aT affect photon fluence ratios of 
various gamma-ray lines (e.g. <{>2.223 m *v/ 0 4-7 Mev) in the theoretical photon spectrum. We 
can then correlate fluences determined from flare observations with theoretical values 
and subsequently deduce s and aT. Integrating dN'(B)/dE over energy determines the 
energy content of the accelerated particles.
Gamma-Rav Flares-a Brief History 
Solar flare gamma-ray lines at 0.511, 2.223,4.44, and 6.13 MeV were first 
observed by the seventh Solar Orbiting Observatory (OSO-7) in 1972 (Chupp et al.
1973). Subsequent gamma-ray observations were made of solar flares around 1980 with 
HEAO-1, HE AO-3, the Solar Maximum Mission (SMM), and Hintori. These instruments 
provided the groundwork for new experiments designed to observe the Sun in high- 
energy wavelengths.
Around 1990 Granat, Ulysses, and the Pioneer Venus Orbiter were launched with 
experiments that were capable of solar observations. The Japanese solar observatory 
Yohkoh was launched during solar maximum in 1991. CGRO was deployed from the 
space shuttle Atlantis on 5 April 1991 and maintained an orbit -450 km above the Earth
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until June 2000 when it was destroyed upon controlled re-entry into the Earth’s 
atmosphere. CGRO was the second of the Great Observatories to be launched by NASA 
-  the first being the Hubble Space Telescope. Much of the data used in this dissertation 
were taken with instruments on the CGRO, PVO, Ulysses, and Yohkoh. These 
instruments, along with ground based detectors, are described in more detail in the next 
chapter.
Yohkoh is the only satellite in orbit at the end of Summer 2000 that is dedicated 
to X - and gamma-ray solar observations. The High-Energy Spectroscopic Solar Imager 
(HESSI) is slated for launch in early 2001. These two satellites w ill provide valuable 
information about the high-energy Sun during the current solar maximum.
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
CHAPTER H
OBSERVATIONS
Multi-waveiength observations of solar flares provide a unique opportunity to 
explore the conditions of flaring regions as well as the dynamics behind the events. One 
such well observed flare occurred on 15 November 1991 at ~22:34 UT, lasting nearly 5 
minutes in soft and hard X rays (SXR and HXR). It was located in active region NOAA 
6919 at S14W19 and registered as a GOES X I .5 event with Ha importance of 2B. O f the 
four white-light flares detected by Yohkoh, this was by far the brightest.
Both ground- and space-based observatories collected data from this event, from 
radio to gamma-ray energies. This flare is unique because in addition to temporal and 
spectral data at these energies, we have detailed SXR and HXR images o f the flaring 
region. Table 2.1 summarizes the observations by energy, observatory, and observation 
type. Included are references to published papers relevant to the 15 November 1991 flare.
As part of our goal to add to the current body of knowledge of this flare, we 
include high-energy data from instruments on Compton Gamma-Ray Observatory 
(CGRO). In this chapter we present specifics o f the instruments used to observe this 
event, including temporal, spatial, and spectral resolutions where appropriate. We focus 
in particular on the Burst and Transient Source Experiment (BATSE) and the Imaging 
Compton Telescope (COMPTEL), two instruments on the CGRO.
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Enemy Observatory Type of Data
Radio:
2.7, 8.8,15.4 GHz Learmonth Observatory1 Palehua Observatory * Fluxes
1,2,3.75,9.4 GHz Tokoyawa Observatory 1 Contour Plots, degree of polarization and radio flux(t)
17, 35, 80 GHz Nobeyama Observatory 1 Contour Plots, degree of polarization and radio flux (t)
Visible
Yohkoh, SXT Aspect Camera
S. I t .  17,19,24 Images, time profiles
Ha (A. = 6562.8 A) Mees Solar Observatory5>,s Images
Ca II K-line (A. = 3934 A) Mees Solar Observatory 1
Hard X-Rays:
1.5 -24.8 keV GOES20 Flux (t)
14-93 keV Yohkoh. H X T1-6-7-10-13'1*’23 Images, time profiles
20 -  600 keV Yohkoh, nXS9’10-12-" 21'22 Spectra, time profiles
25 keV -  10 MeV 
(4 Channel) CGRO, BATSE 2 Time profiles
25 keV -  10 MeV 
(16 Channel) CGRO, BATSE2 Spectra, time profiles
0.1 -2 .0  MeV PVO9 Spectra
15-150 keV U L Y S S E S 14 Spectra, time profiles
Soft X-Rays
Ca X IX  (A. = 3.1769 A) Yohkoh, BCS3A15 Spectra
Yohkoh, SXT1" -'4-'5 Images
Gamma Rays:
0.6 -10 MeV 
(Burst Mode) CGRO, COMPTEL Spectra, time profiles
0.05 -1 0  MeV CGRO. OSSE Spectra, time profiles
0.2 -100 MeV Yohkoh. GRS4,10,li*14,20 Spectra, time profiles
Other:
Magnetograph MSO5 " Vector Magnetograms
Table 2.1: Summary of IS November 1991 solar flare observations sorted by energy, observatory and 
observation type. Superscripts refer to articles that utilize these data. ‘Sakao, 1994; Aschwanden et al. 
1996a,b, 1998; 3Kane et al. 1993a,b; 4Yoshimori et. al, 1992; 5Canfield et al. 1992; 6Culhane et al. 1993; 
7Inda-Koide et al. 1995; 'Hudson et al. 1992; ’McTieman et ai. 1994; l0Kane et al. 1998; "Canfield et al. 
1998; l2Kotov et al. 1996; 13Yoshimori et al. 1994; "Kane et al. 1993b; l5W0lser et al 1994;,6Sakao et al. 
1998; 17Sakao et al. 1992; l*Sakao et al. 1994; l9Matthews et al. 1998 ; Z0Kawabata et al. 1994a,b; 
"Yoshimori et al. 1996; “ Yoshimori et al. 1993; ^ akakura et al. 1995; "Sylwester et al. 2000.
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
44
Compton Gamma-Rav Observatory 
Four instruments were aboard the CGRO (figure 2.1): BATSE (Fishman et al. 
1989; Paciesas et al. 1989; Horack 1991), COMPTEL (SchOnfelder et al. 1993; Winkler 
et al. 1986; Kippen 1991), the Oriented Scintillation Spectrometer Experiment (OSSE; 
Kurfess et al. 1983; Johnson et al. 1993), and the Energetic Gamma-Ray Experiment 
Telescope (EGRET; Kanbachet al. 1988,1989; Thompson et al. 1993).
We use data primarily from BATSE and COMPTEL to study the 15 November 
1991 event and compare these data to those from OSSE, EGRET, the Pioneer Venus 
Orbiter (PVO), Yohkoh, Ulysses, and ground-based observatories in Hawaii and Japan.
BATSE
Instrument Description
BATSE consisted of eight detector modules, one on each comer of CGRO, 
providing a 4tc sr field of view. BATSE was designed primarily to study gamma-ray 
bursts, but was ideal for long term, continuous observations of the Sun. Whenever CGRO 
was in sunlight, four BATSE detectors had the Sun in their field of view. Each BATSE 
module has two primary detectors (Figure 2.2) -  a Large Area Detector (LAD) and a 
Spectroscopy Detector (SD). We used data from the LAD because of its large detection 
area and high temporal resolution.
Large Area Detector (LADV Each LAD was a disk o f NaI(Tl) scintillator crystal 
50.8 cm in diameter and 1.27 cm thick. The crystal was viewed by three 12.7 cm 
diameter PMTs. A 0.29 cm thick layer of materials designed to reject low energy X  rays 
was in front o f each LAD. A shield made of 0.08 cm thick lead and 0.05 thick cm tin was 
located on the on the backside o f the LADs, rejecting 300-400 keV radiation entering the






Figure 2.1: Schematic diagram of the Compton Gamma-Ray Observatory 
(CGRO) showing BATSE, COMPTEL, EGRET, and OSSE instruments 
along with the solar panels and the high gain antenna. A il four experiments 
observed the IS November 1991 solar flare.
■ATM
DETECTOR MODULE om«)
Figure 2.2: Diagram depicting one of eight BATSE 
modules on the CGRO. The LAD, which has a surface 
area '2000 cm2, is the large disc above the smaller SD. 
Three PMTs are located behind the LAD disc. (Horack 
1991).
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rear o f the detector. Each LAD is nominally sensitive to 25 -1900  keV, though this range 
varies slightly with detector gain.
Spectroscopy Detector fS D l The SD was an uncollimated Nal 12.7 cm diameter 
scintillation detector connected to one 12.7 cm PMT. The detector was sensitive to higher 
energies (15 keV - 110 MeV) than the LAD and has finer energy resolution. However, it 
also has a smaller detecting area and is less sensitive to temporal fluctuations (Horack 
1991).
BATSE LAD Data Formats. LAD data were saved in several formats, each with 
different time and energy resolutions. We used D1SCLA (6 channel, 1.024 s resolution) 
and CONT (16 channel, 2.028 s resolution) data formats for our analyses. In the context 
of solar flares, DISCLA data provide better time resolution while CONT data provide 
finer energy binning. The MER mode saved 16 channel data with 64 ms resolution, 
however these data were only collected during the precursor phase of the 15 November 
1991 solar flare.
The nominal energy ranges for DISCLA and CONT data are summarized in tables 
2.2. and 2.3. Ideally, the integrated counts in DISCLA channels 0-3 and 5 should equal 
the total counts in channel 4. However, excess counts attributed to energies below 25 keV 
were also found in channel 4 (Schwartz 1996).
BATSE Effective Area (Response!. In general, a detector’s response function 
describes its ability to convert incident photons to counts. Understanding this response is 
crucial to measuring the high-energy emission from solar flares.
This instrument response depends on the detector’s material properties and 
orientation, described by its effective area, Aeff = Ageom •  e. The dimensionless total
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3 300 keV -  10 MeV
4 Total Counts
5 Charged Particles
Table 2.2: DISCLA channels and nominal 
energy ranges. These data have 1.024 s temporal 
resolution and are better than CONT data for 
detailed X-ray temporal studies of solar flares.

















Table 2.3: CONT channels and nominal energy 
ranges. These data have 2.048 s resolution. 
Because of the finer energy bins, CONT data are 
better than DISCLA data for detailed X-ray 
spectral studies o f solar flares.
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Figure 2.3: BATSE LAD and SD effective areas given normally 
incident photons. The full peak (dashed) and total (solid) efficiencies 
for both detectors are shown. Notice that both detectors exhibit peak 
efficiency near 100 keV. (Fishman et al. 1989).
efficiency £ is a function of energy, and Age0in is the geometrical area exposed to photons,
which depends on the detector’s orientation with respect to the source.
The full-energy peak efficiency represents the fraction of photons that register as 
counts at the same energy as the original photons to within the detector’s energy 
resolution. The total efficiency represents the fraction of photons that register as counts at 
any energy. For BATSE, the total efficiency includes the full-energy peak efficiency as 
well as the Compton tail efficiency. At lower energies (~100 keV), BATSE’s total 
efficiency approximates the full-energy peak efficiency. Figure 2.3 shows the LAD and 
SD total (solid) and full-energy peak (dashed) effective areas for normal incidence
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photons. The SD has better energy resolution than the LAD, but has a smaller detecting 
area and is less sensitive to temporal variations.
The effective area (A«ff) is a function of incident angle 0 and energy E. We 
describe this dependence analytically, then present actual LAD responses as functions of 
input E and 0.
Figure 2.4 shows a typical detector o f thickness dx. Note the thin layer (dashed 
line) that represents materials covering the detector. This surface is negligible unless the 
distance a photon travels through this layer is comparable to the photon’s mean free path 
(X) in the material.
.dx'
Figure 2.4: Schematic diagram of typical detector with thickness dx, and photons
impinging at angle 6.
In general, the change in intensity of a photon that travels through dx' is given by
-d l=  Wxl 
\(E )
dxwhere X(E) is the mean free path (material and energy dependent), and dx' = ------- . For
COS0
high energies, \(E) » dx' (e.g. high-energy particles have a high probability o f passing 
through the detector); for low energies, X (E )« dx' (e.g. low energy photons have a high 
probability of interacting with the detector). We solve this differential equation for the 
transmitted intensity I':
I, =  I°exp(x (E ))-
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We then define the dimensionless total detector efficiency e as
e= k l= i_eXp(^ ) .
The projected geometrical area Ageom depends on the detector angle 9 with respect to the 
source such that Ageom = A»cos0 and effective area Acfr = Ageom»e.
If  we expand the exponential expression for Aetrwe find
A  « = P* A — Adx**#*ff — t  **amrn /r \ Adxeff_ geom"X (E) 2! A.(E)2cos 9
From this we can see that at high energies (X(E) » dx') the effective area is 
independent of incident angle 6. On the other hand, the effective area for low energy 
photons ( A,(E)« dx') strongly depends on cos0. With respect to the BATSE LADs 
however, these simplified analytical expressions are only valid for angles of incidence 
below ~60°.
Figure 2.5 shows the LAD response profiles for low (100 keV) and high (500 
keV) energy incident photons. The incident angle (in degrees) is plotted versus output 
energies as a function of input energy. For the 500 keV photons, the response is 
independent of angle between 0° and 40°, and includes the full-energy and Compton tail 
components. The Compton tail is due to Compton scattering within the instrument where 
electrons in the detector scatter incoming photons,.resulting in a partial energy loss of the 
photon. The response profile for 100 keV photons depends more strongly on incident 
angle, exhibits a negligible Compton tail, and shows the full-energy component.
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INPUT ENERGY 100 keV







Figure 2.5: BATSE LAO total response to 100 keV (top) and 500 keV (bottom) 
photons as a function of angle. The height of the curve corresponds to the level o f 
response. The LAD response to 100 keV photons approximates the full-energy peak 
response, while the Compton tail is also evident in the response to 500 keV photons. 
(Horack 1991).
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Figure 2.6: A schematic diagram depicting BATSE’s 
4k  s t  field o f view obtained by placing detectors on all 
eight comers o f the CGRO structure. (Fishman et al.
1989).
With the exception o f observing very intense events, the BATSE LAD detectors 
are most reliable when they face the Sun directly, regardless o f energy. However, since 
detectors are most often not normal to the Sun and detector response is a strong function 
of orientation with respect to the source, it is necessary to place limits on values of 0.
Each LAD detector is located on a comer of the shoebox shaped frame of CGRO 
and is parallel to the faces of a regular octahedron (figure 2.6). The detectors are 
numbered such that the values assigned to detectors 180° apart from each other add to 7 
(e.g. detectors 0 and 7 are 180° apart). The angle between normal vectors of adjacent 
detectors is 70.5° (Appendix A). The dot product between the Sun’s direction vector (in 
detector’s coordinate system) and the normal vector determines the detector’s orientation 
to the Sun, or 0. These angles are used to determine the detector order for a given
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Orientation MSF 2“  MSF 3rd MSF 4*h MSF
MSF normal 0° 70.5° 70.5° 70.5°
Two equally exposed 35° 35° 90° 90°
Four equally exposed 55° 55° 55° 55°
Table 2.4: Summary of the solar acing detector orientations if  t ie most solar facing is normal to
the Sun, or two or four detectors are equally exposed to the Sun. Detector responses are functions 
of these angles as well as energy.
observation: the most solar facing (MSF), 2nd, 3"1, and 4th MSF. These angles are then 
used to determine the detectors’ effective areas.
Table 2.4 summarizes detector angles for select spacecraft orientations: when the 
MSF detector is normal to the Sun and when either two or four detectors are equally 
exposed. It is not possible to have the three most solar facing detectors equally exposed 
unless all four are. In these orientations where more than one detector has the same 
projected area, a slight change in spacecraft orientation can quickly change the detector 
order. When selecting which detectors have the most reliable data, one must take into 
consideration the intensity of the solar flare as well as the orientation of the detector. 
Generally, the detector that faces the Sun directly provides the most reliable data. 
However if  the solar flare is intense (e.g., the June 1991 events), the detector can saturate, 
resulting in dead time and pulse pileup effects. For these events, detectors with less 
exposed areas are preferable, but regardless of flare intensity, those detectors with 
6 > 60° have poorly determined response functions.
For the 15 November 1991 event, the BATSE detectors, orientation angles 0, and 
percent exposed area were: 0 (14°, 97%), 1 (60°, 50%), 2 (68°, 36%) and 4 (84°, 11%). 
These angles remained relatively constant throughout the flare. We used data from 1st, 2nd 
and 3rd MSF detectors for our work, with our highest confidence in the 2nd MSF detector. 
The 4th MSF was too far o ff axis.
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BATSE DISLCA and CONT data from the three most solar facing detectors 
provided good temporal and spectral data from the 15 November 1991 event. The CONT 
data provide better spectral resolution while the DISCLA have better temporal resolution.
COMPTEL
The COMPTEL instrument utilizes the principles of Compton scattering where 
incoming photons lose energy when scattered by electrons. Measuring this energy loss 
and the location of the interactions, one can determine the incident photon energy. 
COMPTEL can be used for solar observations, but the quality of data depends strongly 
on the instrument's orientation with respect to the Sun.
Instrument Description
COMPTEL (figure 2.7) consists o f two layers: a scattering layer (D l) and an 
absorption layer (D2) 1.5m apart. D l consists o f 7 modules, each 27.6 cm in diameter 
and 8.5 cm thick, filled with liquid scintillator designed to optimize the probability of one 
and only one Compton scatter. The total area o f all D l modules combined is 4188 cm2. 
D2 consists of 14 absorbing modules of Nal crystal each with a diameter o f 28 cm and 
height of 7.5 cm. The total area of D2 is 8620 cm2. Each module is viewed independently 
by a group of PMTs: 8 PMTs per D l module and 7 PMTs per D2 module. The D l and 
D2 layers are each surrounded by two active plastic scintillating shields, referred to as 
anti-coincidence (AC or Veto) domes, which are each viewed by 24 PMTs.
Time of flight (TOF) measurements, the AC domes, and pulse shape 
discrimination (PSD) in the D l layer are all used to reject background events. TOF is the 
time difference between interactions in D l and D2 and is used to determine which layer 
interacts first with an impinging gamma ray, effectively distinguishing between upward
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Figure 2.7: Schematic diagram o f the COMPTEL instrument showing the path o f a 
gamma-ray photon produced by Compton scattering. The photon travels through D l (top) 
and D2 (bottom) layers in telescope mode. Burst mode modules D2-7 and D2-I4 are 
located on the lower layer.
and downward moving photons. The Veto domes reject charged particles, and PSD in D l 
is used to reject neutron-induced events. In addition, the energy thresholds of D l and D2 
limit the overall count rate (Schdnfelder et al. 1993).
COMPTEL operates in two modes (telescope and single detector), each supported 
with separate electronics. This allows for simultaneous (yet independent) observations of 
solar flares (SchOnfelder et al. 1993). The 15 November 1991 event was intense, but was 
66° o ff COMPTEL’s zenith, and therefore not detected in telescope mode. However, the 
event was located near the x-axis of the spacecraft (azimuth o f325°) and was detected in 
the single detector (or burst) mode.
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Single Detector (Burst) Mode. This mode (Winkler et al. 1986) utilizes only two 
modules, 7 and 14, in the D2 layer. In principle, these modules can detect sources 
anywhere in the sky, i.e., within 4jc sr. However, D l, D2, and the remaining mass of 
CGRO reduces the sensitivity over much o f the sky.
D2-14 measures photons in the low (-0.1 to -0.6 MeV) range while D2-7 
measures photons in the high (->0.6 to -10.7 MeV) range (Schdnfelder et al. 1993). With 
its good energy resolution (5% to 10%), COMPTEL functions as a powerful gamma-ray 
line spectrometer. Until the second year o f operation (1992), the low-energy range 
operated only briefly due to out-gassing of the electronics. Only high range data were 
collected for the 15 November 1991 solar flare.
Figure 2.8 is a plot of the mass obstructing the D2-7 module as viewed from the 
D2-7 module. This obstructing mass modifies the photon spectrum that is recorded by the 
D2-7 module. The gray scale is logarithmic, with white less than 5.8 g/cm2 and black 
greater than 358 g/cm2. The four circular regions in the lower half of the figure are 
hydrazine fuel tanks, while the dark areas along the middle are the remaining D2 
modules. The four squares above figure center are the four OSSE detectors, while the 
light gray areas near the top of the figure are the D l modules. The 15 November 1991 
event (66° zenith, 325° azimuth) is marked with an X and was blocked by only -7  g/cm2 
o f mass.
Data from the modules are recorded by an electronic subsystem called the Burst 
Spectrum Analyzer (BSA). In normal operation, or background mode, the two modules 
accumulate data integrated over a commandable period o f time ranging between 2 -5 1 2  
s. Given a burst signal from BATSE (e.g., from a solar flare), the BSA shifts into burst
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Figure 2.8: A plot of obstructing spacecraft mass from the perspective o f the D2-7 module. This mass 
affects the photon spectrum reaching the D2-7 module. The plot is logarithmic, where black regions 
represent >358 g/cm mass, and white regions represent <3.8 g/cm2 mass. The IS November 1991 was 
seen by the D2-7 module at the approximate position marked with an X. The obstructing mass at this 
point is ~7 g/cm2. (Morris 1999).
mode and accumulates 6 spectra per energy range (low and high) with integration times 
between 0.1 -  25.6 s. The details of the impulsive phase are often captured in this mode. 
Once these spectra are complete, the BSA switches to ta il mode, where up to 256 spectra 
per energy range with integration times of 2 -  512 s are accumulated. This mode allows 
for detection of solar flares of longer duration. The BSA then returns to the background 
mode (Suleiman 1995). Integration times during the 15 November 1991 flare were 100 s 
in background mode, 0.5 s in burst mode, and 6 s in tail mode (Macri 2000; Suleiman 
1995).
COMPTEL Burst Response. The response function for the COMPTEL burst detector 
contains all the information regarding how the burst detector converts photons of a 
particular energy to counts in energy-loss space:
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•  the projected detector area.
•  the amount of mass obstructing the detector (~7 g/cm2).
• the time averaged electronic gain.
This response function is generated through Monte Carlo simulations and is an 
important component in the deconvolution process described in Chapter IV .
COMPTEL’s 6-s resolution allows for relatively in-depth temporal studies o f 
solar flares, and provides excellent spectral data with energy resolution good enough to 
resolve individual lines.
Additional Experiments
The CGRO was in an ideal position to observe the 15 November 1991 solar flare, 
as seen in the orbit plot in figure 2.9. This plot shows the count rate of all 8 BATSE 
detectors as a function of time. The counts in non-solar facing detectors are due to 
scattered emission fiom the Earth’s atmosphere and the spacecraft. The flare occurred 
well past spacecraft dawn (D) and well before spacecraft night (N). The angle between 
the Sun-Earth (CGRO) line and the normal drawn through the flaring region (e.g., the 
viewing angle) was ~20°, providing a near top-down view o f the event.
In addition to all instruments aboard the CGRO, several other space and ground 
based observatories collected data from the 15 November 1991 solar flare. Yohkoh, 
Ulysses, and Pioneer Venus Obiter all made observations, while the Mees Solar 
observatory in Hawaii and two radio telescopes in Japan had the flare in their fields of 
view. Following are some basic characteristics of these instruments, with references for 
further details. No Solar Energetic Particles (SEPs) were not detected fiom this event.
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22:00:00 22:15:00 22:30:00 22:45:00 23:00:00 23:15:00 23:30:00
TimeUT
LAD Eff.Areacm Curve Chan Det Scale Curve Chan Det Scale
0 1964 (97%) A 0 LAD0 X10 E 0 Sum Sunward LADs -4000
1 1009 (50%) B 0 LAD1 X10 F 1 Sum Sunward LADs X10’1
2 738(36%) C 0 LAD2 X10 G Sum Sunward CPDs X10‘2
4 218(11%) D 0 LAD4 X10 H 0 Sum Anti-Sunward LADs X10'3
Figure 2.9: A plot showing BATSE DISCLA raw counts registered during a single orbit. The IS 
November 1991 solar flare is evident well past the start o f spacecraft day (D; -22:16 UT) and well 
before the start spacecraft night (N; -23:16 UT). The different time profiles correspond to different 
combinations of solar facing LADs (A -  F), solar facing charged particle detectors (G), and non-solar 
facing LADs (H). The counts seen in the non-solar facing detectors are most likely due to scattered 
emission ftom the Earth’s atmosphere.
OSSE
OSSE (Kurfess et al. 1983; Johnson et al. 1993) on the CGRO is sensitive to 0.05 
-1 5 0  MeV, with >4 s resolution and ~7% energy resolution at 662 keV. The 15 
November 1991 flare was 32° off OSSE’s axis making for a complicated instrument 
response, but was intense enough that OSSE was able to detect it.
EGRET
The 15 November 1991 data from EGRET (Kanbach et al. 1988.1989; Thompson 
et al. 1993) is from the Total Absorption Shower Counter (TASC). TASC was sensitive
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from 1 MeV - 30 GeV, with 15% energy and 33 s temporal resolution. The 15 November 
1991 solar flare was detected through the side of the instrument, meaning that the TASC 
response must include photon transport through a significant amount o f material.
Yohkoh
Yohkoh, Japanese for 'sunbeam’, was launched in 1991. Several onboard 
experiments made high-energy observations of the 15 November 1991 solar flare. The 
satellite’s viewing angle (angle between line of sight and vector normal to the Sun 
through flaring region) of the event was ~19° (McTieman et al. 1994; Kane et al. 1998).
Yohkoh instruments are able to image the Sun in hard and sofi X  rays, and 
measure gamma-ray spectra up to 10 MeV. The Yohkoh images provide detailed X-ray 
images of the flaring region, a rare occurrence for gamma-ray flares. The instruments 
cover an energy range similar to that of BATSE and COMPTEL combined, however the 
temporal resolutions of Yohkoh instruments are comparable to, if  not better than, those of 
CGRO experiments. On the other hand, instruments on CGRO have larger detecting areas 
and better sensitivity.
Hard X-ray Telescope (HXT; Kosugi et al. 1991a,b) images and light curves are 
available in four energy bands covering 15-93 keV (summarized in table 2.5) with 
temporal and angular resolutions of 0.5 s and ~5", respectively. The field of view of the 
instrument is 35' x 35', covering the whole Sun.
The Soft X-ray Telescope (SXT; Tsuneta et al. 1991) produces images between 
0.2 -  4.1 ke V  and has a 42' x 42' field o f view. These data are either full or partial Sun 
images taken every 5 -1 0  minutes or 15 s, respectively. The companion SXT aspect 
camera, centered on 4308 A, spanning 140 A with less than 1 s resolution, detected
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Energy Band Energy Range (keV)
L 15-22.7
M l 22.7 - 32.7
M2 32.7 - 52.7
H 52.7-92.8
Table 2.5: Summary of energy bands and nomina
energy ranges for Yohkoh HXT. 
white-light emission from the 15 November 1991 event, along with three other white- 
light flares. The camera failed in 1992.
The Gamma-Ray Spectrometer (GRS; Yoshimori et al. 1991), part o f the Wide 
Band Spectrometer, produces 128 channel spectra between 0 .2 -10  MeV and 16 channel 
spectra between 8 -1 0 0  MeV, all with 4 s resolution. Time profiles are also available in 
six energy bands between 0.4 -  100 MeV with 0.25 and 0.5 s resolution. The GRS energy 
resolution is 6% at 4.07 MeV, degrading to 14% at 0.662 MeV.
The Hard X-ray Spectrometer (HXS; Yoshimori et al. 1991), sensitive to 20 -  600 
keV, detects solar flares in two modes; pulse-height data are split into 32 energy channels 
with I s resolution; pulse-count data are split into two channels (20 -50 keV and 50 -  600 
keV) with 0.125 s resolution. The energy resolution is 8% at 662 keV, 13% at 88 keV, 
and 26% at 22 keV.
The Bragg Crystal Spectrometer (BCS; Culhane et al. 1991) generates energy 
spectra from four energy bands that include four wavelengths: S XV (5.0385 A, 2.5 keV), 
Ca X IX  (3.1769 A, 3.9 keV), Fe XXV (1.8509 A, 6.9 keV) and Fe XXVI (1.7780 A, 7.0 
keV). These spectral lines are used to determine plasma temperature, velocity, and Q(T). 
The temporal and energy resolutions o f these spectra are ~1 s and X/AX ~ 103.
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Ulvsses
The Solar X-Ray/Cosmic Gamma-Ray Burst Detector on Ulysses (Hurley et al. 
1992) has an effective area o f -20 cm2. The data from this detector are available between 
IS -  ISO keV. In burst mode, the 16 Channel data have 1 -1 6  s resolution, while in 
continuous mode, data >20 keV are collected with 0.S s resolution. During the IS 
November 1991 event, Ulysses was -4  AU from the Sun and had a viewing angle (the 
angle between the Sun-Earth (CGRO) line and the normal drawn through the flaring 
region) of -81° (McTieman et al. 1994; Kane et al. 1998).
Pioneer Venus Orbiter CP VO)
The gamma-ray burst detector on PVO (Klebesadel et al. 1980) made solar 
observations until the satellite entered Venus' atmosphere in 1992. The data between 0.1 
-  2.0 MeV are binned into four channels with 20% resolution at 60 keV. In real time 
mode, data have 0.5 -  16 s resolution, and in burst mode, data have ~ 12 ms resolution 
(Kane et al. 1988). PVO’s viewing angle of the IS November 1991 event was 52° 
(McTieman et al. 1994). This viewing angle, along with that of Ulysses, differs 
significantly from the near-earth satellites, providing a stereoscopic view o f this solar 
flare.
Ground-Based Observatories
Two instruments at the Mees Solar Observatory in Hawaii observed the IS 
November 1991 solar flare. The Haleakala Stokes Polarimeter (HSP; Mickey, 198S) 
produced vector magnetograms. Measurements from this instrument at ~ 100 Gauss have 
errors about 10 -  20 Gauss. For measurements above 100 Gauss, the error is on the order 
of 10% (Canfield 2000). The Mees CCD Spectrograph (MCCD; Penn et al. 1991)
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produced Ha images and spectra. These spectra, with 15 s resolution, are used to 
determine plasma motion via Doppler broadening o f the Ha line (1215.7 A).
The Toyokawa and Nobeyama Radio Observatories in Japan observed the 15 
November 1991 solar flare in 1,2,3.75,9.4 GHz and 17,35,80 GHz, respectively, with 
~1 s resolution. These data were used to produce time profiles of radio flux density.
In this chapter, we described the BATSE and COMPTEL instruments in some 
detail, and have provided brief introductions to other instruments that observed the 15 
November 1991 solar flare. Temporal, spatial, and spectral observations of this flare from 
all instruments described in this chapter are presented in Chapters III and IV . These 
observations constrain flare models that attempt to explain the dynamics of this event. 
Three of these models are described in Chapter V.
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CHAPTER III
REVIEW OF PREVIOUS STUDIES
The IS November 1991 solar flare was a well observed event. Comprehensive 
studies of flares such as 3 June 1982 (Trottet et al. 1994) and 7 June 1980 (Kiplinger et 
al. 1983) have been conducted, but no soft (SXR) or hard X-ray (HXR) images of 
footpoints were available to support these analyses. The IS November 1991 flare is one 
of the few to have been observed in such a broad (radio to gamma-ray) energy range with 
supporting X-ray imaging.
The current understanding of this event is that an H a eruption (brightening of 
6S62.8 A emission) nearly 14 minutes before the onset of the impulsive phase most likely 
led to a global restructuring o f magnetic fleld lines. Rising, interacting coronal loops 
resulted in reconnected magnetic fleld lines providing enough energy to heat as well as 
accelerate charged particles through the coronal loop.
During the impulsive phase, two spots assumed to be coronal footpoints were 
visible in HXR and white-light suggesting that energetic particles precipitated as far as 
the photosphere. A single extended source in soft X  rays outlined the presence of a 
coronal loop. The footpoints separated with time, supporting the model o f rising, 
interacting loops and a rising acceleration region.
After the impulsive phase, the loop continued to rise. The dense material within 
the loop was visible in white-light. The double HXR and white-light footpoints endured
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through the post impulsive phase suggesting that particles were still precipitating to the 
photosphere. A gradual and smooth decline of soft and hard X-ray emission during the 
decay phase of the flare indicates that the acceleration mechanism eventually stops.
In this chapter, we review the details behind the current picture of this flare. In the 
next chapter, new results from BATSE and COMPTEL are used to expand our 
understanding of this event. The observations in both chapters constrain solar flare 
models that are discussed in Chapter V.
We begin with a summary of nomenclature adopted by Sakao (1994) for the flare 
phases, footpoints, and impulsive phase temporal features. We then describe the results 
from previous analyses o f this event, focusing on the footpoint and loop emission.
It is important for consistency and clarity to follow previously defined notation 
when discussing this event. Sakao (1994), who studied this event using data from 
energies below 100 keV, defined distinct flare phases based on emission in this range. He 
labeled the X-ray coronal loop footpoints, and distinguished the temporal spikes and 
valleys during the impulsive phase with his own notation. We adopt his nomenclature for 
our continued studies of this event, though we do slightly alter the start and end times o f 
the flare phases to better compare data from different instruments.
Figure 3.1 shows light curves of the 15 November 1991 event from BATSE (X  
rays) and COMPTEL (gamma rays). The top curve shows BATSE DISCLA data between 
18.5 -  30.3 keV from the residual counts in channel 4 (c.f. Chapter II) with 1.024 s 
resolution. The lower curve is background-subtracted COMPTEL data covering 0 .6 -1 0  
MeV with 6 s resolution. The COMPTEL background was determined by averaging data 
15 orbits (typically -24 hours) before and after the orbit during which the event occurred.















22:34 22:36 22:38 22:40 22:42
Time (UT)
Figure 3.1: BATSE (18.5 -  30.3 keV) and COMPTEL (0.6 -  10 MeV) light curves of the 15 
November 1991 solar flare. The (I) precursor (22:34 -  22:37 UT), (II) impulsive (22:37 -  22:38 
UT), ( III)  post-impulsive (22:38 -  22:41 UT), and (IV ) decay (> 22:41 UT) phases are indicated. 
The three peaks (P 1-3) and valleys (V  1-2) are marked as well. BATSE data are not background 
subtracted, while COMPTEL data are background-subtracted and magnified by a factor of 1000.
Sakao (1994) defined four phases labeled with Roman Numerals in figure 3.1:1: 
precursor (22:34 - 22:37 UT), II: impulsive (22:37 - 22:38 UT), III: post-impulsive 
(22:38 - 22:41 UT), and IV : decay phases (after 22:41 UT). COMPTEL data do not 
reveal any significant emission during the precursor phase. The SXR and HXR emission 
returned to background levels at the end of the post-impulsive phase. Previous studies did 
not include the decay phase in any detail.
The time profile during the impulsive phase shows a triple peak structure (figure 
3.1). We follow Sakao's notation for the peaks (P) and valleys (V): P I at 22:37:16 UT,
V I at 22:37:27 UT, P2 at 22:37:37 UT, V2 at 22:37:42 UT and P3 at 22:37:49 UT.
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
67
Three bright sources (interpreted as footpoints) were visible at different times 
during the flare in SXR, HXR, or white-light. These spots and the magnetic polarity 
inversion line (PIL; where magnetic fleld switches polarity) are shown in the diagram 
depicting the precursor phase in figure 3.2. The PIL splits the northern (NE, or source A, 
and NW ) and southern (SE, or source B, spots).
Footpoints
The IS November 1991 solar flare was located near the center o f the solar disc, so 
near-earth satellites had a near top-down view of this event (e.g., line of sight makes a 
small angle with respect to the local vertical at the flare site). The spatial, temporal, and 
spectral behaviors o f the footpoints were well observed throughout the entire flare by 
both ground and space based observatories.
Precursor Phase
Nearly 14 minutes before X-ray emission commenced, a “spectacular” (Canfield 
et al. 1998) Ha filament erupted. Approximately 6 minutes after the eruption, the region 
brightened in Ca II (K-line; common in active regions) as well (Sakao 1994). The 
reconnection of twisted flux tubes as a source of energy is discussed in more detail by 
Canfield et al. (1998).
During the precursor phase (figure 3.2), sources A and B were visible in soft X  
rays while source B and the NW spot were visible in hard X  rays. A ll three were visible 
in H a. Source A had a weaker magnetic fleld (+100 ±  (10 -  20) Gauss) than source 
B (-400 ±  40 Gauss). The three spots were spread over an area 30" x 1' and are 
interpreted as footpoints of two loops where one source of the three is a footpoint 
common to both loops.
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Figure 3.2: Schematic diagram of the precursor footpoints: A (NE spot), B (SE spot), and the NW spot. A 
polarity inversion line (PIL) splits the +100 (±  10 -20) G and -400 (± 40) G spots. Footpoint A is brighter 
than footpoint B, both of which were visible in SXR during the precursor phase. Footpoint B and the NW  
spot were visible in HXR during this phase. Solar north is up, east is to the left. Footpoints A and B were 
~ 13" apart.
All three sources exhibited Ha redshifts, with the strongest H a emission 
emanating from footpoints A and B. This implies downward moving material was located 
in the loop footpoints. By comparing electron temperatures and emission measures from 
blueshifted Ca X IX  line emission (Culhane et al. 1993) and SXT footpoint observations, 
Wiilser et al. (1994) determined that the blue shifted emission originated from the
footpoints as well. Since the SXR footpoints were cospatial with the redshifted Ha 
emission, these footpoints were the sites of upward and downward moving material 
(Wiilser et al. 1994; Canfield et al. 1992). In addition, the momenta o f the upward 
moving SXR emitting plasma and downward moving chromospheric plasma were
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essentially equivalent (Wiilser et al. 1994). The chromospheric evaporation model can
explain these observations.
During chromospheric evaporation, energy released in the corona transports to the 
chromosphere through heat conduction or particle precipitation. Once hydrostatic 
equilibrium can no longer be maintained in the chromosphere, material is expelled 
downward to the photosphere (redshifted H a emission) and upwards toward the corona 
(blue shifted SXR emission). Footpoints A and B were heated by conduction and the NW  
spot was heated by precipitation of non-thermal electrons (WQlser et al. 1994). Further 
details of these precursor features (plasma velocities, loop length, and emission measure, 
etc.) were discussed by Walser et al. (1994).
Impulsive Phase
During the impulsive phase, sources A and B were visible in HXR and white-light (figure
3.3) but not SXR. The NW source was no longer visible in either hard or soft X rays. 
Sources A and B occupied an area 30" x 30" and are interpreted as the footpoints o f a 
single loop. These footpoints have areas on the order of 1016 cm2, with the brighter 
footpoint covering a larger area. A less energetic, single source was seen positioned 
between the two footpoints, and is interpreted as looptop emission. However, during PI 
and V I, the Yohkoh HXR M l (22.7 -  32.7 keV) and M2 data (32.7 -  52.7 keV) could be 
interpreted as single sources or as unresolved double sources. After V I, the M l sources 
are extended, and the M2 sources are all double (figure 3.4).
The white-light emission peaked during the impulsive phase, and is the brightest 
white-light flare o f the four observed by Yohkoh SXT. O f these four, the 15 November 
1991 event was the dimmest in X  rays. The relative brightness o f the white-light





















Figure 3.3: Footpoints A and B were visible in HXR during the impulsive phase, while the NW was 
no longer visible. Footpoint A was still brighter than B, and the two sources moved apart and rotated 
with respect to each other through the impulsive phase. Solar north is up, east is to the left.





22:3?:16(P1) 22 37 27(V1) 22:37:37(P2) 22:37:42(V2) 22:37 49(P3) 22:38:00
Figure 3.4: Images from the Yohkoh HXT showing evolution of the IS November 1991 flare 
as a function o f time and energy. The PIL is shown in two frames o f the 22.7 -  32.7 keV 
data. The two HXR footpoints are most visible in 32.7 -  S2.7 keV at 22:37:49 UT and 
correspond to sources A  (upper spot) and B (lower spot). Loop emission is evident between 
double sources. The single sources at 22:37:16 and 22:37:27 UT may be unresolved double 
sources. (Sakao et al. 1992).
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peak compared to the background emission is between 1.35 (Sylwester et al. 2000) and
During the impulsive phase, X-ray
footpoints A and B moved apart with a velocity
of Vsep = 58 ± 3.7 km/s, which can be explained
by a rising acceleration region (figure 3.5)
(Sakao 1994; Sakao et al. 1998). Not only do the
footpoints move apart, they also rotate a few
degrees counter clockwise with respect to each
other. The speed of separation is higher than the
typical separation rate of H a two-ribbon flares,
soft X-ray arcade formation, and long duration
events, implying that the reconnection region is 
Figure 3.S: Figure of rising acceleration
region resulting in separating footpoints. rising quickly, and that particle acceleration is
rapid.
The HXR footpoints are best resolved during the impulsive phase at P3 (figure
3.4). Hard X-ray time profiles of each footpoint show that footpoint A is consistently 
brighter than footpoint B during P3 (figure 3.6). The emission from footpoint A exhibits 
fluctuations on the order of 1 and 11 s. Footpoint A is also brighter in white-light during 
this time, as seen in figure 3.7. Since footpoint A is larger than footpoint B, we might 
expect the smaller footpoint to be less bright. However, if  the same amount o f material is 
impinging on both footpoints, the smaller footpoint should be brighter since the particles 
are concentrated within a smaller area. Sakao proposed that the presence magnetic
1.38 (Hudson et al. 1992).
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Figure 3.6: Light curve from Yohkoh HXT of the two footpoints (A and B) from 22:37:32 -  
22:38:08 UT. This time includes P2, V2, and P3 during the impulsive phase. Note that 
footpoint A is as bright or brighter than footpoint B. The time profile from the dimmer source 









22:36 22:38 22:40 22:42 22:44
Start Time (15-NOV-91 22:34:58)
Figure 3.7: Light curve from Yohkoh white-light aspect camera. The 
open diamonds correspond to the excess brightness from the brightest 
pixel from footpoint A; the plus signs correspond are from footpoint B. 
The asterisks are from a central position between the footpoints. 
(Hudson et al. 1992).
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mirroring may explain the intensity difference between footpoints: the dimmer footpoint 
has a stronger convergence of magnetic field lines. Therefore, charged particles 
approaching this footpoint are mirrored back into the loop and do not make it to the 
denser chromosphere (figure 3.8). This is consistent with the magnetic field 
measurements that show |Bb| > |Ba|.
Cross correlation studies in hard X rays show that the emission from footpoints A 
and B are directly correlated in time within 0.1 s at the la  level. One can see that the 
white-light footpoint emission is not simultaneous (figure 3.7) since the peaks occur at 
different times. However, the white-light time variations are best correlated with the 14- 
30 keV (L band) soft X-ray variations over the duration of the entire flare (Sylwester et 
al. 2000).
In addition to shared temporal characteristics, the HXR and white-light footpoints 
also exhibit strong spatial correlation (figure 3.9). These observations suggest that 
accelerated non-thermal electrons reached the chromosphere (HXRs) and photosphere 
(white-light) (Hudson et al. 1992; Sakao 1994; Matthews et al. 1998). However, 
Sylwester et al. (2000) disputed the cospatial HXR and white-light emission, claiming 
that the HXR and white-light emission centers are actually ~ 6000 km apart. The 
discrepancy may be due to the two different white-light image deconvolution methods 
used to process the images. Regardless, both HXR and white-light footpoints exist, 
suggesting high-energy particles precipitate beyond the chromosphere.
Footpoint A emits a harder photon spectrum than footpoint B. During P3, the 
photon spectral indices y for footpoints A and B are derived from M2 (33 -  53 keV) and 
H (53 -  93 keV; HXR) data. The spectrum of footpoint A is consistently harder (yA =2)
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Source B. Dimmer 
Stronger B Convergence 
Softer Spectrum
Weaker B Convergence 
Harder Spectium
Figure 3.8: Schematic diagram depicting how footpoints with different B 
fields have different intensities and energy spectra. The dimmer footpoint 
has a softer spectrum. (Sakao 1994).
■10 a rcs ec
Figure 3.9: White-light contours (dashed) overlaid with HXR 
contours (solid) during the impulsive phase. The contours are 
20,40,60, and 80% for the HXR image, and 40,60, and 80% 
for the white-light. (Sakao e t al. 1992).
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than footpoint B (73 ~ 2.5). The magnetic mirroring model may explain this as well. 
Above each chromospheric footpoint there is coronal thin target emission as evidenced 
with soft X  rays. In the chromosphere, there is thick target emission from both footpoints 
seen in hard X  rays. At the darker HXR footpoint, the more concentrated magnetic field 
acts as a magnetic mirror. Therefore, fewer particles reach the chromosphere at this 
footpoint, resulting in less thick target (HXR) emission. However, there is still SXR 
emission, so spectrum at the dimmer footpoint w ill be softer than that from the brighter. 
This is, in fact, what is observed: the brighter footpoint (source A) has the weaker 
magnetic field and the harder spectrum (Sakao 1994; Sakao et al. 1992,1994)
Post Impulsive and Decay Phases
During the post-impulsive phases, footpoints A and B were still visible in HXR 
(figure 3.4) and white-light suggesting that electrons were still precipitating down to the 
footpoints after the impulsive acceleration event. Continued 17 GHz microwave emission 
(most likely from the coronal loop) also supports post impulsive electron acceleration 
(Sakao 1994; Inda-fCoide et al. 1995) or prolonged particle trapping. The photon 
spectrum derived from footpoint emission above 33 keV softens to 7^  = 3.5 after the 
impulsive phase (Sakao 1994).
The smooth decline of HXR emission in the decay phase implies that impulsive 
acceleration eventually stops and that HXR emission is due to high temperature plasma.
Cpronal loop
The coronal loop that connects footpoints A and B is visible at soft X-ray and 
white-light wavelengths. From the footpoint separation, we are able to approximate the
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loop length, an important parameter for modeling. This loop length changes throughout 
the flare.
Precursor Phase
Aschwanden et al. (1996a,b; 1998) used 64 ms 16 channel BATSE MER data to 
study the precursor emission from this event. MER data were collected only during this 
phase. Using time delays between light curves features in the 30 -  300 keV channels, 
they computed the velocity dependent electron time of flight (TOF) between the 
acceleration site and the chromosphere by assuming that the peak of emission occurs 
when particles reach the footpoints. From this they deduced a loop length between 16 -  
27 x 103 km, and an acceleration site -21.5 x 106 km above the chromosphere.
Impulsive Phase
At P2 (figure 3.4), the footpoints were separated by 13". They continued to 
separate into the post-impulsive phases. I f  we assume a semicircular loop where footpoint 
separation corresponds to the semicircle's diameter, we find that the loop length ranges 
between 15 and 35 x 103 km, less than 1% solar diameter (I" corresponds to a projected 
750 km on the Sun). White-light observations during the impulsive phase suggest a loop 
length o f24 x 103 km and a flaring region area is about 4 x 10® cm2 (Hudson et al. 1992). 
These loop lengths should be (and are) similar since the HXR and white-light footpoints 
are almost cospatial.
Kawabata et al. (1994a,b) used 0.511 MeV and white-light data during the 
impulsive phase along with a positron production model (Kozlovsky et al. 1987) to 
determine photospheric and coronal loop densities and estimate the coronal loop 
temperature. The positrons responsible for 0.511 emission were most likely generated by
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e+-e' pair ((J*) emission from 16o*6052. The photosphere and coronal loop were found to 
be the most likely annihilation regions with most of the reactions occurring within the 
loop. They determined the loop temperature and electron density was ( I -  3) x 106 K and 
(1 -  5) x 1012 cm'3 respectively, while the photospheric density was ~1016 cm'3.
Post Impulsive and Decay Phases
During the post impulsive and decay phases, the footpoints were separated by 
nearly 30". Hudson et al. (1992) found the white-light emission during the extended post 
impulsive phases resembled a coronal loop that had evolved 8000 km into the corona and 
was associated with super hot plasma.
During the post impulsive phase, the loop spectral index (derived from 23-53  
keV data) was soft (yt ~ 6) showing there was little high-energy emission from this 
feature and suggesting that the emission was due to thermal electrons. If  we assume the 
loop was isothermal, then Te was 3.5 x 107K (Sakao 1994).
Sakao (1994) used HXR and radio data from the decay phase to calculate the 
plasma emission measure Q(T) and electron temperature Te. Table 3.1 summarizes the 
values calculated from HXR and radio emission at 22:44 UT. The values for Q and T are 
different for each energy range (low Q - high T from HXR vs. high Q - low T from 
radio). These differences can be explained either by assuming that the emission comes 
from different plasma or that observations are due to different values of the differential 
emission measure distribution (e.g. Q(T|0W) or QfThigh)).
Kane et al. (1993b) used Yohkoh SXT data to find T(t), Q(t), and n(t) for the 
brightest pixel within the flaring region. They found that although T varied the most 
during the impulsive phase, it was constant within 25 % (T = (20 ± 5) x 106 K). These
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Wavelength T.(K) Emission Measure Q(T) cm'3
HXR 2.3 x 10* 4.7 x lO4*
Radio 5.1 x 10° 8.3 x 104*
Tab e 3.1: Decay phase values of electron temperature (T) and emission measure Q(T). (Sakao
1994).
values agree with those of Sakao (1994) in Table 3.1. The density peaked at 5 x 10n cm'3 
after the impulsive phase, and then gradually declined. The emission measure remained 
relatively constant (figure 3.10).
Accelerated Energetic Particle Spectra 
X-ray and gamma-ray photon flux spectra are used to deduce accelerated electron 
and ion flux spectra. These accelerated particle fluxes can then be used to determine the 
energy budget available for this event.
Accelerated Electron Spectra
X-ray photon spectral indices were computed with PVO, Ulysses, Yohkoh, and OSSE 
data and are summarized in table 3.2. BATSE values are presented in Chapter IV . 
Yohkoh photon spectral indices are computed using count ratios from data in M l, M2, 
and H energy bands. The photon indices derived from M2/M1 (33 - 53 keV/23 - 33 keV, 
dashed line) and H/M2 (53 - 93 keV/33 - 53 keV, solid line) ratios are plotted in figure 
3.11 as a function of time. During the impulsive phase the spectral indices derived from 
these ratios agree and drop from values >5 to values between 2 -  4.5. The photon 
spectrum is therefore hardest during the impulsive phase. X-ray photon spectral indices 
vary throughout the entire flare, with hard X-ray emission increasing during the 
impulsive phase. This behavior can be seen in Yohkoh and Ulysses data, as seen in 
figures 3.11 and 3.12. The soft-hard-soft evolution is particularly evident in the M2/M1 
Yohkoh data. In figure 3.12, it is evident that Ulysses spectral indices are consistently
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Figure 3.10: Time variations of pixel with highest T  (top), highest 
emission measure Q(T) (middle) and highest density (bottom) at any 


















a. !£, 22:37:10-22:37:30 PI 150-350 3.37 ±0.05 1
Ulysses
(-80°)
tt tt tt 2.72 ±  0.07 1
22:37:40-22:37:54 V2.P3 23 -166 3.08s
Yohkoh
( - 20°) Impulsive Phase Pl-3, V l-2 23-93
2-4.5 2 
3.7 ±  0.34
22:37:40-22:37:54 V2, P3 2 0 -8 7 3.20s
tt It 87-658 3.82s
tt tt 14-43 3.394
OSSE
( - 20°) Impulsive Phase Pl-3, V l-2 50-100 3.0 ± 0 .7 3
Table 3.2: Summary o f photon spectral indices from four instruments. Spacecraft viewing angles, 
integration times and energy ranges are included. 'McTieman et al 1994; 2Sakao 1994; 3Murphy 2000; 
Voshimori 2000; 5Kane et al. 1998.
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Figure 3.11: Time profiles o f the photon index derived using Yohkoh HXT M 2/M I 
(solid) and H/M2 (dashed) data. (Sakao 1994).
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Figure 3.12: Spectral indices from Yohkoh HXS (circles) and Ulysses (squares) data above 
100 keV. (McTieman et al. 1994).
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lower (harder) than those from Yohkoh. This difference may be explained if  the flare 
emission is anisotropic and if  the spacecrafts have significantly different viewing angles, 
as was the case. An instrument’s viewing angle is defined as the angle between the 
spacecraft line o f sight and the normal vector centered on the flare. The fact that the 
Ulysses spectral indices are harder than those from Yokhoh implies that soft X-ray 
emission is emitted preferentially in the direction of Yohkoh. Models that support 
directivity of emission employ beaming of non-thermai electrons, magnetic mirroring, 
and smaller pitch angle dispersion (McTieman et al. 1994).
However, Kane et al. (1998) studied the directivity of emission from several 
events observed by both Ulysses and Yohkoh. They found that Ulysses spectra were 
harder than those from Yohkoh for the 15 November 1991 event, but also found that 
variations in spectral indices did not have a clear dependence on view angle. Therefore, 
they concluded it is likely that in most solar flares the distribution of energetic electrons 
is isotropic. These results do not rule out electron beam models with low directivity, 
however.
The spread in Yohkoh spectral indices (figure 3.11) during the post-impulsive 
phases can be explained by the appearance of the SXR loop in the M l band. With y i~6 ,  
the contribution of low-energy emission to the M1/M2 ratio pulls the spectral indices to 
higher values (figure 3.11, solid line).
Within the impulsive phase, temporal features of the light curve (P I, V I, etc.) can 
be correlated to SXR and HXR spatial features. At PI and P2, M l emission stems from 
double sources, while the emission originates from a single source during V I and V2. All 
L band emission originates from a single, loop top source (Sakao 1994; Sakao et al. 1994;
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Yoshimori et al. 1996; Inda-Koide et al. 1995). Therefore, the photon spectrum from the 
footpoints is harder than the spectrum from the loop. Figure 3.13 is a schematic diagram 
summarizing the source structure as a function of time and energy. The times between 
peaks and valleys can provide an approximate duration of footpoint and looptop emission 
and perhaps an estimate of the diffusion time for precipitation of non-thermal electrons or 
heat conduction.
Takakura et al. (1995) utilized the M l/L  ratio to compute photon spectra for 
footpoints of several flares. They found that coronal footpoint photon spectra are best fit 
with either a power law or thermal spectrum. For the 15 November 1991 event during P2, 
footpoints A and B were best fit with thermal spectra where Tca = 1.7 x 10® K. and TeB ~ 
2.85 x 108 K. Therefore, the dimmer footpoint was hotter. However, during P3, the 
emission from each footpoint was best fit with power law spectra where n«A ~ 11 x 107 
cm'3, lice ~ 6.4 x 107 cm'3, yA = 3.15 ±  0.15, and Jb -  2.0 ± 0.1. These values fall within 
the range found in Sakao (1994).
Accelerated Ion Spectra
Fluence ratios of gamma*ray lines are used to determine values for s and aT, 
which describe the differential energy distribution dN'(E)/dE of accelerated ions (c.f. 
Chapter I). In recent work, Kotov et al. (1996) computed 04.4/00.42 = 0.035 -  0.065. 
Kawabata et al. (1994a,b) computed 04.4/02.223 and further deduced an aT value of 
0.009±0.002. Yoshimori et al. (1994) used 02.223/04-7 to find aT = 0.010 ±  0.002. These 
Bessel Function values agree within error bars and are discussed in the context of 
COMPTEL values in Chapter IV. For future reference, fluences (0) of gamma-ray
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L: single 


























M l: single 
M2: double 
H: double
Figure 3.13: Schematic diagram depicting the large scale triple peaked impulsive 
phase structure o f the 15 November 1991 solar flare. The peak (P 1-3) and valley 
(V  1-2) times are marked. For each feature, the magnetic morphology (single or 
double source) are summarized for the four Yohkoh HXT energy channels.
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Instrument Tinte(UT) At (s) Energy(MeV) $ (Photons/cm2)
Yohkoh 22:37:36-22:37:44 8 0.420 3.3 ±1.6'
tt 22:37:46-22:37:50 4 It 6.8 ±1.7'
i t 22:37:48-22:37:52 4 tt 4.24 ± 0.802
it 22:37:50 -  22:38:14 24 0.511 6.7 ±  2.23
tt 22:37:60 -  22:41:58 296 2.223 9.7±5.64
OSSE 22:36:46 -  22:41:41 295 It 7.7 ± 1.15
Yohkoh ------- - 4.4 0.119 ± 0.0061 s*'
Table 3.3: Summary of fluences o f various high-energy lines from OSSE and Yohkoh. Integration times are 
included. ‘Kotov et al. 1996,2Yoshimori et al. 1993, ^ awabata et al. 1994a, b, 4Yoshimori 2000,5Murphy 
2000.
lines from this flare are summarized in table 3.3. COMPTEL values are added in Chapter 
IV .
The total energy budget from these accelerated electrons and ions are presented in 
chapter IV, but the white-light observations suggest a total energy of about 4 x 1030 ergs 
(Hudson et al. 1992). Kawabata et al. (1994a,b) found the total proton energies to be (E > 
30 MeV) 7 x 1027ergs and (E > 1 MeV) 1.4 x 1030 ergs. Again, these results will be 
compared to COMPTEL data in Chapter IV .
Summary
The HXR footpoints of the IS November 1991 solar flare were best resolved by 
Yohkoh during P3. We have spectral, and temporal data from the flare during this time 
from several space and ground based observatories, as well as spatial X-ray data. Figure 
3.14 is a composite image with the full-disc image in SXR, along with a HXR image 
aligned with white-light contours. Again, the data analysis focussed on the flare phases 
before the decay phase and at energies primarily below 1 MeV. From the literature to 
date, we know that during P3:
•  White-light and HXR footpoints may be cospatial (figures 3.9,3.14).
•  Footpoint A  is brighter than footpoint B in HXR and white-light (figures 3.6,3.7).
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•  White-light and L band emission have high temporal correlation (figures 3.6,3.7).
•  HXR emission from footpoints A and B are simultaneous within 0.1 s.
•  Footpoint A  has a weaker magnetic field, and harder spectrum than footpoint B
•  The HXR footpoints suggest electron beam areas o f (1.77 -1 6 ) x 1016 cm2 (r = I
-3 " )
•  Footpoints A and B are separated by 13", leading to a loop length on the order of 
15 x 103 km (figure 3.4).
•  The footpoints are separating from and rotating with respect to each other 
throughout the flare. The speed of this motion suggest a rapid acceleration 
mechanism
• A single SXR source exists between two HXR footpoints.
•  Radio emission peaks during the impulsive phase.
•  There is no evidence for electron beams with strong directivity.
•  The impulsive phase is a multi-peaked feature, with rise and decay times ranging 
between 0.5 (Yohkoh instrument resolution) and 11 s.
•  The energy content of protons above 30 MeV is 7 x 1027 ergs and above 1 MeV is 
1.4 x 1030 ergs.
After P3, through the post impulsive and decay phases it has been suggested that:
•  Acceleration continues to precipitate particles to the chromospheric and 
photospheric footpoints.
•  The acceleration eventually stops when the SXR and HXR emission ceases.




Hard X-ray Image 
o f a
White Light Flare
1991 November 15 1
D Hard X~ray Flare I
0 White Light Flare
Figure 3.14: Composite image o f the IS November 1991 solar flare from instruments on Yohkoh. 
Image in upper left is a full disc SXR image. The inset is a white-light image overlaid with HXR  
contours from HXT. (Sakao 1994; hesperia.gsfc.nasa.gov/sftheory/images/new-lSnov91.gif).
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These properties constrain any model that attempts to explain the impulsive and 
decay phases of this event. In Chapter IV  we introduce additional data from this flare 
taken with other instruments on the CGRO. Together these data help us to understand the 
accelerated protons in this event and to further constrain the three impulsive phase 
models discussed in Chapter V.
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CHAPTER IV
NEW HIGH-ENERGY RESULTS
In the previous chapter, we reviewed the significant body of literature on the IS 
November 1991 solar flare. The analyses focussed primarily on data below 1 MeV during 
the first five minutes of the flare as defined by soft X rays (SXR). Here, we expand on 
this work by incorporating the analysis of BATSE, COMPTEL, and EGRET data 
between 0.03 -  300 MeV.
We begin with a discussion of the BATSE (30 -  300 keV) data analysis, including 
a derivation of the accelerated electron spectra. We then discuss the COMPTEL (0.6 -  10 
MeV) data analysis in depth, highlighting some of the complications with the spectral 
deconvolution process. We compare these results to the data presented in Chapter III, as 
well. We also introduce EGRET data that may indicate significant emission near 100 
MeV from very energetic protons. The EGRET (1 -  300 MeV) data analysis performed 
by Dr. David Bertsch (2000) is briefly summarized. We conclude with a summary of new 
parameters that further constrain models discussed in Chapter V.
BATSE Data Analysis
BATSE data analysis for the following work was done with SPEX, software 
developed in IDL by Richard Schwartz (SM&A Corp., NASA/GSFC) as part o f the Solar 
Software (SSWIDL) package. The software can be used to compute photon fluxes 1(E) 
from the 16 channel CONT data. With user input, the software can extract data, perform
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background subtraction, incorporate individual detector responses, and constrain the 
shape of the output photon spectra.
Error bars generated by fitting data from more than one detector represent the 
systematic errors between detectors. Recall from Chapter II (Observations) that each 
detector has its own response that depends on energy and orientation with respect to the 
Sun. Errors generated by the fits to data from a single detector are significantly smaller 
than differences between the fits to data from different detectors.
We fit bremsstrahlung photon flux data 1(E) from the 1st, 2nd, and 3rd MSF 
detectors with broken power laws where
The values of A|, yi, Eb, A2, and 72 for each detector in the impulsive, post 
impulsive, and decay phases are summarized in table 4.1. The values for the whole event 
are also included. Start and end times were chosen to coincide with EGRET data binning 
(the coarsest of BATSE, COMPTEL, Yohkoh, and EGRET.)
The bold, italicized numbers are mean values, with the error bars computed as the 
standard deviation of the sample population. The average A2 values were computed by 
demanding continuity at Eb, using average Ai, Eb, Yi, and 72 values:
In table 4.2, these BATSE values are compared to those in Chapter III. The 
BATSE break energies are all on the order of 100 keV. Therefore, spectral indices from 
Yohkoh, PVO, Ulysses, and OSSE are equated with yi for E < 100 keV and 72 for E >









DetO 2.42 2.35 235.5 25.5 3.87
Detl 3.42 2.80 140.5 6.76 3.46
Det2 5.25 2.82 134.6 10.2 3.49
AVG 3.70 ±1.44 2.66 ±0.27 170.2 ±56 11.84 3.61 ±  0.23
POST IMPULSIVE 22:38:14 — 22:41:31 UT
DetO 2.00 3.46 350.6 0.11 1.97
Detl 1.49 3.56 196.6 0.66 2.96
Det2 2.09 3.71 255.2 0.08 1.70
AVG 1.86 ±0.32 3.58 ±0.13 267.5 ±77.7 0.19 2.21 ±  0.66
DECAY 22:41:31 -22:50:53 UT
DetO 0.02 2.99 172.0 0.003 1.51
Detl 0.03 2.74 194.2 0.013 2.11
Det2 0.03 2A5 185.7 0.008 1.44
AVG 0.03 ±0.006 2.73 ±0.27 184.0 ±11.0 0.008 1.69 ±0.37
WHOLE 22:36:36 -  22:50:53 UT
DetO 0.40 2.76 80.0 0.44 2.96
Detl 0.64 3.00 57.0 0.66 3.23
Det2 1.02 3.19 150.0 1.0 3.17
AVG 0.69 ±0.31 2.98 ±0.22 95.7 ±48.0 0.68 3.12 ±0.14
Table 4.1: Summary of bremsstrahlung broken power law fit parameters from the IS November 1991 solar 
flare. Four time intervals are included -  the impulsive, post-impulsive and decay phases as well as the 
whole event. Statistical errors for values from individual detectors are smaller than the systematic errors 







Yi Eb (KeV) Y2
BATSE (-20°) P 1-3, V 1-2 2.66 ±0.27 168 ±51 3.61 ±0.23
OSSE (-20°) It 3.0 ±0.7 100 —
Yohkoh (-20°) tt 2 -4 .5 33.7±0.34 93
—
PVO (-52°) PI — 150 3.37±0.05l
Ulysses (-80°) ft — It 2.72 ±  0.071
rt V2,P3
r*OOorn 166 —
Yohkoh (HXS) tt 3.202 87 3.82s 3.70 ±  0.031
Yohkoh (HXT) M 3.39s 93 —
Table 4.2: Summary o f spectral indices from various instruments. Included are satellite viewing angles, 
temporal features included in observations, power law spectral indices and break energies. A ll published 
error bars are shown1 McTieman et al. 1994; Kane et al. 1998;3 Sakao 1994;4 Yoshimori 2000.
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100 keV.
The BATSE Yi values (2.66 ±  0.27) in table 4.2 agree with the Yohkoh (2 -  4.5) 
and OSSE (3.0 ±  0.7) results within errors during the entire impulsive phase. The yi and 
Y2 values in table 4.1 indicate the spectral shape changes as a function of flare phase: the 
spectrum above Eb hardens in the decay phase while the spectrum below Eb softens then 
hardens.
With the BATSE spectral indices and normalization constants in table 4.1, we can 
find the electron particle distribution F(E) from the HXR photon flux 1(e) = AE"* during 
the impulsive phase. We assumed a thick target bremsstrahlung model and used the 
expression for HXR emission (Benz 1993):
1 3\ D1 A e'F(E) = 3.28 x 10” y* (?-l) b ( ^ )  % A E
tit scm -keV
Where D is the distance to the Sun in AU, r is the beam (footpoint) radius in cm, and 
B(a,b) is the beta function, which approximates unity for Y~ 4. Values for A and y during 
the impulsive phase come from the best fit (e.g. values in table 4.1) and are taken to be A 
= 12 and y - 3.6, with r = 2" = 1.5 x 10® cm and D = 1 AU. With these values, we find the 
electron flux spectrum is F(E) = 4.9 x 1019 E-4 6 electrons/s/cm2/keV.
We can compute the energy content of these electrons by
Ew= f" F(E) E dE dt dA 
Je b
= 5.25 x 10* y(Y-1) 2nr At A E ? " ergs
where Etot is in ergs, At is the integration time in s, Eb is the lower energy limit (the break 
energy in this case) in keV, and 270* is the total area of both footpoints in cm2. We also
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assumed the power law extends to infinity. Using the values A =12, y=  3.6, and Eb = 170 
keV (table 4.1) and At = 98 s for the impulsive phase, we find the total energy above 170 
keV to be Etot = 6.6 x 1023 ergs.
BATSE data span the X-ray range of 50 -  500 keV. We used values of 71 as an 
estimate o f bremsstrahlung emission for COMPTEL, OSSE and EGRET data > 500 keV. 
Above 1 MeV, the nuclear line emission dominates the bremsstrahlung contribution, as 
seen in COMPTEL data.
COMPTEL Data Analysis 
We generate photon flux spectra from COMPTEL data through a deconvolution 
process where counts are converted to photons using an instrument response function (c.f. 
Chapter II for additional discussion of response functions).
For an ideal detector, the number of counts registered by a detector is given by 
n = ^  = FeaEA|WnAE = FA,ffAE
where n is the count rate (counts/s), F is flux (photons/s/MeV/cm2), and eae is the total 
dimensionless efficiency of the detector for a given energy range. Ageom is the projected 
area (cm2), At is the integration time (s), and AE is the energy range (MeV) over which 
data are collected. We combine the efficiency and the geometrical area into the effective 
area A«(rse4E»A gnm> defined in Chapter 11.
Since COMPTEL is not an ideal detector (e.g., total efficiency is not equivalent to 
full-energy peak efficiency) and the data are binned into channels of width AE, we 
converted the above definitions into matrix form such that
® = (^ *^ )' Ageom
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where n (counts/s/MeV) and F (photons/cm2/MeV/s) are vectors, Ris a matrix 
containing e as a function of energy, and Ageom is the geometrical area (cm2).
Each vector element corresponds to an energy range, or bin width. The 
COMPTEL count spectra are saved in n. We inverted the above equation and 
deconvolved the count rate data into photon flux. The count (or energy-loss) spectra for 
the impulsive, post-impulsive, and gradual phases as well as the whole event are shown 
in figures 4.1 a and b. The times chosen for the flare phases were altered slightly from 
Sakao’s defhinitions to better correspond to EGRET data.
Monte Carlo simulations were used to generate the response matrix R. For a 
given set of conditions including spacecraft geometry and source direction, we generated 
a general response function that is valid for any observation made under these conditions. 
The obstructing mass in front of the D2 module, which modifies the photon spectrum 
incident on the detector, is also included in the simulations.
We assumed an input spectrum (E‘1-5) of test photons (-360,000) to get good 
statistics across the entire energy range (0.6 -1 0  MeV). Monte Carlo simulations then 
model the D2 detector’s ability to convert these photons to counts. The resulting 128 x 
400 element matrix is rebinned to a 65 x 65 matrix, integrated into bins with widths 
ideally greater than or equal to the instrument energy resolution. The count rate data are 
binned similarly.
I f  the D2 detector converts all photons of a particular energy into counts at the 
same energy (i.e., at the full energy peak response), the response matrix is diagonal. 
However, a photon of a specific energy will either register at that energy (i.e., total 
energy loss) or it will lose energy and register at a lower energy (i.e., partial energy loss).










22:36:36 -  22:38:14 UT10.0
- 2 0 2 a4 6 10







- 2 0 2 4 6 8 10
E n e rg y  M eV
Figure 4.1a: COMPTEL burst count spectra for the impulsive and post-impulsive 
phases. The top curve are raw counts, the middle are background counts IS orbits 
before and after the IS November 1991 event, and the botton are background subtracted 
counts.
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82 6- 2 0 4
E n e rg y  M eV
Figure 4.1b: COMPTEL burst count spectra for the decay phase and the whole 
flare. The curves are ordered as in figure 4.1a.
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In other words, exclusive of energy-resolution broadening,
•  Any incoming photon registers counts at its own energy or lower.
• It takes photons with energy E0 and higher to produce counts at E0.
In this case, the matrix will be triangular.
Energy-resolution broadening, a byproduct of the measuring process, results from 
our inability to precisely measure the energy deposited in a detector. Therefore, it is 
possible for a photon to register at an energy slightly greater than its original energy.
The vector expression for the count rate can now be expressed as:
1 rx \n# aOOO (  V \ *0
A. SS b c 00 • Resolution • F,
Aj d e f O Broadening f2
w gh i j w
i
R
where Fi corresponds to AEj and Ej >  Ej+i. R.j is the response matrix with elements whose 
values are <1. Age0in = 448 cm2 during the 15 November 1991 solar flare.
The 15 November 1991 efficiency matrix Rjj, binned to 65 x 65 elements, is 
shown in figures 4.2 a and b. To highlight some details of the response matrix for 15 
November 1991, figure 4.3 is a plot of detector response to 2.223 MeV incident photons 
as a function of E. Most photons are converted to counts with energies < 2.223 MeV. 
However, due to energy-resolution broadening, there is a small probability that these 
photons will register at a slightly higher energy than 2.223 MeV.
Conversely, the total number of counts at 2.223 MeV are due mostly to photons 
with E > 2.223 MeV (again, there is a small probability that lower energy photons will 
register as higher energy counts). Figure 4.4 shows the energies that contribute to the






Figure 4.2a: The COMPTEL burst response matrix (Ry) for the IS November 
1991 solar flare. The z-axis represents dimensionless efficiency. The x-axis 
corresponds to R» the y-axis to Rj. The point at (0,0) is the full peak response at
10 MeV.
Figure 4.2b: A flat version o f the figure 4.2a. Dark values correspond to higher 
efficiency than light values. The full peak efficiency o f the 2.223 MeV line is 
marked with an X.














Figure 4.3: Total response o f the COMPTEL burst detector to 2.223 MeV photons. The peak 
at 2.223 MeV corresponds to the full-energy peak response. The energy resolution 
broadening is evident above 2.223 MeV.
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Figure 4.4: Photon energies that register as counts at 2.223 MeV. The full-energy peak 
response is at 2.223 MeV. The energy-resolution broadening is responsible for the photons 
below 2223 MeV.
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12.223 MeV |
COMPTEL (At 3  6 seconds)
0.1
OSSE (it = 16.4 seconds)
0.01
EGRET 2-4  MeV FLUX 
( it  => 32.8 seconds)
22:36 22:38 22:40 22:42 22:44 22:46 22:48
Time (UD
Figure 4.S: 2.223 MeV count profiles from COMPTEL and OSSE along with EGRET flux between 2 and 4 
MeV. Missing data points are at or below zero due to background subtraction. The four phases (Precursor-  
decay phase) are represented by roman numerals (I -  IV).
2.223 MeV count rate.
Figures 4.5 and 4.6 show the 2.223 and 4-7MeV count rates ( n) from the 15 
November 1991 solar flare detected by COMPTEL, Yohkoh GRS (only 4-7 MeV), OSSE 
and EGRET. These data are background subtracted but not bremsstrahlung-continuum 
subtracted, though the 4-7 MeV line emission is generally considered to dominate 
bremsstrahlung emission in that range.
Figure 4.7 compares continuum subtracted 2.223 and 4-7 MeV emission from 
COMPTEL. Notice the extended 2.223 MeV emission beyond the 4-7 MeV peak, 
illustrating the delay time for neutrons to thermalize (~ 1 s) and then to capture on 'H (~ 
10s o f seconds).




Yohkoh QRS (At = 4 seconds)
100
4-7 MeV
COMPTEL (At = 6 seconds)
0.1
OSSE (At = 16.4 seconds)
0.01
EGRETFLUX 
(At = 32.8 seconds)0.001








Figure 4.6: The 4 - 7  MeV counts/s from COMPTEL and OSSE. EGRET data are flux values 
between 4 and 7 MeV, while Yohkoh GRS data are in units of counts/4s. Missing data points 
are zero or negative values due to background subtraction. The four phases (Precursor -  decay 
phase) are represented by roman numerals (I -  IV ).
Maximum Entropy Method
Once the response matrix has been computed, we use the Maximum Entropy
Method (MEM; Gull and Skilling 1999) to deconvolve counts back into photons. The
MEM selects the most probable distribution of photons that maximizes the entropy (S)
and minimizes the x2 o f the deconvolved spectrum. To maximize S, the test photon
spectrum is picked to be as featureless as possible.
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4-7 MeV (Normalized at peak)
■ ■ ■ ■1 > ■ ■ »* * ■1 ■ ■ ■ * ■ ■ ■ 1 ■
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22:36 22:38 22:40 22:42 22:44 22:46 22:48 22:50
Time (UT)
Figure 4.7: Comparison of COMPTEL 2.223 and 4*7 MeV light curves. The plots have been 
normalized at their peaks (22:37:55 UT.) Notice the delayed 2.223 MeV emission with respect to 4 • 7 
MeV emission. Flare phases (precursor through decay) are marked with Roman Numerals (I -  IV ).
The basic idea behind MEM is to fold a test photon spectrum through a response 
matrix, and compare the resulting test count spectrum to the measured count spectrum 
using x2- The final, deconvolved spectrum will have maximum S and minimum x2- To 
start the process, an initial test photon spectrum is given. A test count spectrum is 
produced, and S and x2 are computed. The next test photon spectrum is chosen such that 
features grow as necessary, but such that S is minimized. Features that survive this 
process cannot be omitted if  we are to meet our fitting criteria. Another test count
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spectrum is produced, and S and x2 are computed. This process is repeated until values 
for entropy and x2 reach asymptotic values. Ideally, the reduced x2 approaches unity.
It often takes several iterations to minimize x2 while maximizing S, although a 
well-chosen initial test photon spectrum can shorten the process. Ideally, the initial 
spectrum should have no effect on the shape of the final deconvolved photon spectrum. 
Figures 4.8 and 4.9 show the test deconvolved spectra as a function of iterations. Note 
that the phase definitions of these spectra are slightly different from those in table 4.1. 
This time difference is not important, since the main point o f these figures is to show how 
spectra change as a function of iterations. One can see that after a certain number of 
iterations, the spectrum does not change appreciably. However, before this ideal number 
of iterations is reached, the spectrum is relatively featureless and contains little 
information (e.g. S « 0 but x2 » 1-)
Energy Binning
The response matrix energy bins are designed such that each bin width is slightly 
greater than or equal to COMPTEL’s la  energy resolution, making the response in 
neighboring bins relatively independent o f one another. Recall that for a Gaussian 
distribution (a common spectral line shape), the FWHM = 2.3S4 a. This design allows 
individual spectral lines to be spread over more than one energy bin.
The la  energy resolution determined through preflight calibrations was
a*=0.01J(9.86E+4.143EJ), E in MeV.











Figure 4.8: Impulsive phase (22:37:06 -  22:38:18 UT) photon spectra as a function of iterations. 
The top two plots are not significantly different and the bottom spectrum is poorly determined. A 










Figure 4.9: Post-impulsive phase (22:38:18 -  22:42:00 UT) photon spectra as a function o f iterations. 
The top two plots are not significantly different and the bottom spectrum is poorly determined. A few 
common gamma-ray spectral lines are indicated.
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After CGRO was launched, the energy calibration changed slightly and is given by
<W=l.284E+0.000361E\ E in keV.
This difference was determined by comparing COMPTEL telescope mode data with burst
mode data.
In addition, an anomalous broadening o f the 2.223 MeV line indicated that the 
resolution function needed to be corrected by an additional 3%. The final expression for
0  is then given by:
0 i%= 0.986E+0.0013E2, E in keV.
Data are summed into one of three bin widths: 0.084,0.16, and 0.25 MeV. These
bin widths (diamonds) are plotted as a function of energy in figure 4.10 along with curves
representing D2-7 10 energy resolutions determined in the lab (+ signs), in flight (solid
curve), and corrected for the systematic 3% offset (dashed curve). Note the energy bin
near 5.2 MeV, where a previously observed “channel glitch” is evident. For some
energies (2 -  3, > 4 MeV), the instrument resolution is greater than the energy bins.
Spectral lines in these ranges are then spread over more bins.
Energy Shift
The deconvolved COMPTEL spectra for the impulsive and post-impulsive phases 
are shown in figures 4.11 and 4.12 along with bremmstrahlung spectra determined by 
BATSE fits. The bremsstrahlung spectrum is E'3 6 for the impulsive phase, and «= E'2'2 
for the post-impulsive phase. A few features are immediately evident: nuclear lines above
1 MeV are superimposed on the bremsstrahlung continuum; the 2.223 MeV line is strong 
and centered at 2.223; other line features are shifted slightly with respect to their




















7  8  9 2 5 6  7 8  93 4
1 10 
Energy (MeV)
Figure 4.10: COMPTEL energy resolutions determined in the lab (+), in flight (solid 
line) and after an additional 3% correction (dashed curve). The diamonds correspond to 
the bin widths into which data are integrated, with the “channel glitch” evident near 5.2 
MeV. For some energy ranges, the instrumental resolution is greater than the energy bin 
width.
theoretical values (e.g. 1.63 and 1.78 MeV), especially evident in the post-impulsive 
phase.
This energy shift, evident in other flare spectra from COMPTEL (Young 2000; 
Williams 2000), is due to an inconsistency between the software and instrument energy 
calibration, rather than an actual red or blue shift of the lines. If  these shifts were due to 
particle motion, they would require particle velocities of v = 0.03c where c is the speed o f 
light Since we do not expect mono-energetic, parallel ion beams, these gamma-ray
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Impulsive Phase 
22:36:42 - 22:38:24 UT
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Figure 4.11: Deconvolved spectrum of the impulsive phase of the IS November 1991 solar 
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Figure 4.12: Deconvolved spectrum for the post-impulsive phase. The 2.223 and 4-7 MeV lines 
are still evident During this phase* the PHA energy shift is particularly evident for the 1.63 and 
1.78 MeV lines.









Figure 4.13: Energy shift due to inconsistencies in energy calibrations. The 2.223 
MeV line is unaffected, while lines above and below are shifted to energies lower 
than their theoretical values. The dashed line represents no shift. The polynomial fit 
excludes the data point near S MeV that contains the “glitch”.
lines should exhibit Doppler line broadening on the same order as the shift. The lack of 
Doppler broadening in our spectra also supports an instrumental energy shift.
A plot o f the actual (predicted) line energy as a function of measured line energy 
is shown in figure 4.13. To create this figure, we assumed, for example, that the spectral 
features in figure 4.12 that are to the left of predicted lines at 1.78 and 1.63 MeV are in 
fact due to emission at these energies. We then compute the magnitude o f the shift with 
“errors” corresponding to the instrumental energy bin width at these energies. The shifted
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data were fit with a polynomial. The point near 5 MeV is not included in the fit because 
the value is complicated by the “channel glitch.” The straight line represents no energy 
shift; the measured line is the theoretical line energy. The 2.223 MeV line is not affected 
by the calibration discrepancy, but features on either side of this line are shifted to 
energies lower than their theoretical values. This energy correction is an important issue 
when dealing with individual line measurements, particularly in the 4-10 and 1-2 MeV 
ranges. Until an exact energy correction is found, we can only assume lines are neither 
red nor blue shifted, and we corrected the data accordingly.
Since the 2.223 MeV line is not affected by the calibration shift, we can calculate 
its fluence during the impulsive and post-impulsive phases (22:37:06 -  22:42:00). We 
chose this interval to coincide with those from Yohkoh, OSSE, and EGRET data. During 
these times the 2.223 MeV count rate is above background, and returns to background 
levels after the post-impulsive phase.
We computed the 2.223 fluence three ways:
a) we converted the 2.223 MeV continuum and background subtracted count rates 
directly to photons using the full-energy peak instrument response (figure 4.14). The 
fluence was computed to be <(>2.223 = 9.5 ±1.5 photons/cm2.
b) we integrated the continuum subtracted data from the deconvolved photon spectrum 
directly (figure 4.15), and found a value <{>2.223 =9.7 ±1.5 photons/cm2. Finally,
c) we integrated a Gaussian centered on 2.223 MeV that was fit to the photon spectrum 
along with a bremsstrahlung continuum determined by BATSE data (figure 4.15). 
The fit was constrained by the bremsstrahlung power law determined for the 
impulsive phase ("ft=-3.61). The final fit was:






2.1 * 2.4 MeV
6 * 
4 *
—  Continuum R




1 52 3 4
Energy (MeV)
Figure 4.14: COMPTEL burst count spectrum with error bars. The vertical dashed lines 
designate the energy range of counts used to compute 2.223 MeV fluence. The solid curve is an 
estimate of continuum emission and the solid dots are the background subtracted counts used to 




(X Photon Spectrum 
Impulsive and Post-impulsive Phases 







0.0 7 6 9 2 8 9
Time(UT)
10
Figure 4 .15: Photon spectrum for the impulsive and post-impulsive phases. These data are fit between 0.6 
and 3 MeV with an exponential and Gaussian centered on 2.223 MeV. The Gaussian is then integrated 
over time and energy to find the 2.223 MeV fluence (method c).
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■  COMPTEL (c) 9.9 ±1.8 
*  OSSE 7.7 ± 1.1
#  Yohkoh 9.7 ±5.6
•  COMPTEL (b) 9.7 ±1.5 
A COMPTEL (a) 9.5 ±1.5
0
Figure 4.16: Comparison of 2.223 MeV fluences from Yohkoh (Yoshimori 2000), OSSE 
(Murphy 2000), and COMPTEL. COMPTEL data were computed by methods a, b, and c, 
described in the text. The values all agree between 8.2 and 8.8 photons/cm2.
The fluence value using this method is .223 “  9.9 ± 1.8 photons/cm2.
The values from the three different methods agree within errors. We compare our 
results to those from Yohkoh (9.7 ± 5.6 photons/cm2) and OSSE (7.7 ±1.1 photons/cm2) 
in figure 4.16. The weighted average from Yohkoh, OSSE, and COMPTEL (method b)
requiring <|h ->•>•>.
The 4-7 MeV fluence was calculated during this time range as well. Since we are 
dealing with a range o f data and not individual lines, the calibration energy shift has only 
a small effect on our fluence calculations between 4-7 MeV. Given that the three methods 
used to calculate COMPTEL 2.223 MeV fluence (described above) agree with one
W E )  -  0.08 E'“ ' + 0.45 e x p (4 (E o2# - y )  •
fluences is <{>2.223 = 8.4 ± 0.96 photons/cm2. This is the value we use for any calculations
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another, we chose to integrate the photon spectrum from 4.04 -  7.22 MeV (method b) to 
compute the 4-7 MeV fluence. We found 04-7 = 13.7 ± 2.4 photons/cm2 and 04-7/02.223 = 
1.6 ± 0 3 .
EGRET Data Analysis 
David Bertsch (NASA/GSFC) analyzed the EGRET TASC data for this event. He 
used a linear (with time) fit to the data before 22:35 UT and after 22:50 UT for 
background subtraction. Since the flare was detected through the side of EGRET, the 
response function accounts for photon transport through obstructing material.
Sample power law distributions between 1 and 10 MeV were folded through the 
response function and compared to the original data, iterating until stable chi-squared 
values were reached. The ratio between the incident and resultant model spectra was used 
to scale the observed counts to incident photon values in the final spectrum.
The EGRET 4-7 MeV fluence during the impulsive and post-impulsive phases 
was 04-7 = 14.4 ±  0.31, agreeing with COMPTEL within errors.
Discussion of High-Energy Results 
We can use the 2.223 and 4-7 MeV data from the instruments on the CGRO and 
Yohkoh to estimate the 3He abundance and accelerated particle spectra. The COMPTEL, 
Yohkoh GRS, OSSE, and EGRET instruments are all able to measure 2.223 and 4-7 
MeV emission, although EGRET does not have the energy resolution to resolve the 2.223 
MeV line.
Gamma-Rav Spectra
The impulsive and post-impulsive phase spectra in figures 4.11 and 4.12 
(combined in figure 4.15) show nuclear lines above bremsstrahlung emission. In
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
112
particular, the 2.223 MeV line is strong in both phases, while emission from 20Ne (1.63 
MeV) and 2*Si (1.78 MeV) and between 4 -7  MeV (N, C, O lines) is also evident. The 
shoulder on the 2.223 MeV line is likely due to emission at 2.3 MeV from excited l4N. 
Lines below 1.6 MeV are difficult to distinguish above the bremsstrahlung continuum, 
though there may be emission from 24Mg (1.4 MeV) that, due to the calibration energy 
shift, is seen at 1.35 MeV.
The feature near 3.0 MeV is not from a known nuclear line, but is prominent in all 
deconvolved spectra (figures 4.11,4.12, and 4.15). This anomaly may be connected to 
the fact that the COMPTEL energy bin width changes from 0.084 to 0.16 MeV at 3.2 
MeV (figure 4.10). Theses bin widths change near 5.2 (the “glitch”) and 7 MeV too; 
however, we have observed emission at these energies in other flares. Emission near 5.2 
MeV is likely due to the de-excitation of 14N (5.1 MeV), and l50  (5.18 and 5.24 MeV).
Broad continuum and narrow line emission in the 4-7 MeV range has been 
detected in several gamma-ray flares observed by instruments on SMM (Share and 
Murphy 1999). However, for the 15 November 1991 event, there does not appear to be 
any significant broad, continuum emission in the 4-7 MeV range. This suggests that the 
gamma rays are produced primarily by protons and a-particles exciting ambient nuclei 
(i.e. narrow lines). The presence of a broad component would imply that nuclei are 
accelerated and interact with ambient protons and a-particles. The MEM approach to 
spectral deconvolution allows for a broad continuum in this range.
The spectrum during the impulsive phase appears to be harder than that from the 
post-impulsive phase. This can be seen qualitatively if  we compare the relative 1.63 and 
4-7 MeV emission in the impulsive and post-impulsive phases in figures 4.11 and 4.12.
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Quantitatively, if  we take the ratios of the continuum subtracted fluences of the 1.63 and 
4-7 emission, we find 0i.6/<j>4-7 -  0.29 ± 0.07 for the impulsive phase and <J>i.6/<J>4-7 = 0.52 ± 
0.16 for the post-impulsive, suggesting that as in X rays, the MeV photon spectrum is 
harder in the impulsive phase.
3He Abundance and Energetic Neutrons
Using COMPTEL count rate data with 6 s resolution between 3.956 and 7.055 
MeV as a template for the neutron production rate, we computed the expected 2.223 MeV 
flux and compare it to detected flux using the expression (c.f. Chapter I)
Recall that the normalization coefficient A converts count rates to fluxes. Varying x, A 
and taking S(tO to be the 4 -  7 MeV emission, we compared F2.223O) to continuum 
subtracted COMPTEL count rate data between 2.197 -  2.365 MeV using a standard %2 
test. The x2 was computed by:
where Fcaic is found from the expression above, and Fobs are the observed values. The Ocaic 
values include errors from the 4 -  7 MeV emission as well as Poisson errors that include
*29
background counts. We find that x= 26_ls s at the lcr level and that our value o f x is 
consistent at the 2a level with the lowest values of -70 s seen from other flares (e.g. x = 
72 ± 11 s for the 6 November 1997 event, Yoshimori et al. 1999; Prince et al. 1983). 
Figure 4.17 shows the 1,2, and 3 a  values as a function of A and x. The calculated 
Fz223(t) for x -  26 and x = 75 and actual count rates are compared in figure 4.18. Our x is
F,K3(t)= A j' S(t/)e'"’mdt\
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also consistent with Yohkoh GRS data from the 15 November 1991 event where t  = 50 ± 
20 s (Yoshimori 2000). A low value of t  suggests the presence o f either an anomalously 
high 3He abundance, or that capture is occurring in a dense environment where neutrons 
thermalize and are quickly captured on 1H.
Given r  = 261“  s and assuming typical chromospheric density nH= 1.3 x 1017 
cm’3 (Yoshimori et al. 1999), we find a 3He/H abundance ratio of (2.0 ± 1.5) x 10*4. 
However, for t  ~ 70 s (upper lim it for the 15 November 1991 event and lower lim it for 
previously observed flares) the 3He/H abundance falls within values computed forevents 
summarized by Yoshimori et al. ((2 -  5) x 10’5; 1999).
Accelerated Ion Spectra
Given typical solar abundances, one should be able to deduce the accelerated 
particle spectrum from observed high-energy emission. The 2.223 and 4-7 MeV fluences 
are often used to parameterize this particle distribution (c.f. Chapter I) by aT  in a 
modified Bessel Function K2 or spectral index s in a power law ET5. In addition to <(>4. 
7/02.223 ratios, other fluence ratios (table 4.4) can be used to compute the accelerated ion 
spectrum. Mandzhavidze et al. (1997) use 0O.42/ 0 6.13 (or $aJ 0 6.13) and 01O2/ 0 o.847 to 
determine spectral index s. Ramaty et al. (1995b; 1997) use 0 ,, _ XJ  04.1-7.6,0i.63/06.i3, 
01.37/06.13 and 02.223/04.44 to deduce s while Murphy et al. (1987) use 0ioo/(04-7dE). 
Unfortunately the emission between 0.847 and -1.3 MeV is difficult to detect above the 
bremsstrahlung continuum, so we cannot use COMPTEL data to compute the ratios that 
include emission between 0.846 and 1.3 MeV. We computed the remaining ratios listed 
above, though the energy calibration shift needs to be taken into account for the
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Figure 4.17: Values o f x2 as a function of fitting parameters A and t . The minimum x2 value (smallest 
contour) and 1,2, and 3 o confidence levels are plotted.
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Figure 4.18: Fits to the 2223 MeV continuum subtracted time profile (thin curve) for 
t  = 26 s (thick dark curve) and t  = 75 s (thick gray curve). The dark curve is the best 
fit while the gray curve is at the 2o confidence level.
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individual line fluences at 1.63,4.4, and 6.13 MeV. Fluences (and errors) for various 
lines from the IS November 1991 solar flares are summarized in table 4.3 along with 
values previously presented in Chapter II. Bold values indicate new data. We assume that 
the measured spectral lines are shifted with respect to their theoretical values (c.f. section 
entitled Energy Shifts), and that the emission from a single line is shared by more than 
one energy bin. Again, the 2.223 MeV line is unaffected by the energy calibration shift, 
and any effects from this shift are reduced when computing fluences over a wide range 
like 4-7 MeV.
With these fluence ratios, aT and s values are extrapolated from Ramaty et al. 
(1993 and 1995a,b) and Mandzhavidze et al. (1997) assuming coronal abundances and 
thick target emission. These aT and s values are summarized in table 4.4. Again, new 
data are printed in bold along with data from Chapter III.
Regardless of which fluence ratio is used, the aT and s values are in general 
agreement, showing that the accelerated particle spectrum is rather soft. Given the range 
of spectral indices s (4.0 -  5.5) in table 4.4 and the calibration energy shift in COMPTEL 
data, we believe the ratio between 2.223 and 4-7 MeV is most reliable. Therefore, we 
choose s ~ 4.5 and aT ~ 0.008 to determine the energy distribution of the accelerated 
ions.
It is worth noting that if  t  < 70 s for this flare, the conditions responsible for the 
short 2.223 MeV decay time may also lower the 2.223 MeV fluence we are able to detect 
(e.g. the region is so dense, the 2.223 MeV photons may be absorbed before they escape 
or neutrons are lost to capture on 3He).
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
117
Instrument TimeOJT) At (s) Energy (MeV) 0 (Photons/cmz)
Yohkoh 22:37:36-22:37:44 8 0.420 3.3 ± 1.61
I t 22:37:46-22:37:50 4 It 6.8 ±1.7*
It 22:37:48-22:37:52 4 II 4.24 ± 0.802
It 22:37:50 -  22:38:14 24 0.511 6.7 ± 2.2J
COMPTEL 22:37:06 -  22:42:00 294 1.63(1 .44-1.61) 10.3 ±2.3
Yohkoh 22:37:60 -  22:41:58 296 2.223 9.7 ± 5.64
OSSE 22:36:46-22:41:41 295 II 7.7 ± 1.1s




t t 8.4 ±0.96
Yohkoh ------------- - 4.4 0.119 ± 0.006' /second
COMPTEL 22:37:06 -  22:42:00 294 4.44.04-4 .37 4.38 ±1.1
f t t t 294 4.04-7.22 13.6 ±2.4
t t t f 294 6.15 .97 -6 .3 2.08 ±0.97
EGRET 4 -7 14.4 ±  0.31
Table 4.3: Summary o f fluences of various lines computed with data from several instruments. Time 
intervals, durations, energy ranges and fluence values are included. 'Kotov et al. 1996; 2Yoshimori et al. 
1993; }Kawabata et al. 1994 a,b; Yoshimori 2000, ’Murphy 2000.
Fluence Line Ratio Value «T (J) ■ o
04.4/00.42 0.035 -0 .0651 — —
04.4/02.223 0.52 ±0.14 — 4.5-5
It « 0.009±0.0024 —
04-7/<t>2223 1.6 ±0.34 0.008 -0.015 4-5
I I — 0.010 ± 0.002* —
04.4/0^ .13 2.11 ±0.47 — —
01.63/00.13 4.95 ±1.0 — 4.5-5.5
Table 4.4: Fluence ratios and their respective aT  and s values derived from various 
high-energy emission lines. 'Kotov et al. 1996; 2Ramaty et al. 1995a,b; 3Ramaty et 
al. 1993; Kawabata et al. 1994a,b;5 Yoshimori et al. 1994.
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In this case, the 2.223 MeV line fluence may not be a reliable quantity to use in 
determining the accelerated particle spectrum for this flare. I f  the 2.223 MeV fluence 
were higher than we have measured, the accelerated particle spectrum would harden. 
However, we have found a value for s using the $i.6i/$6.i3 ratio, that is independent o f the 
2.223 MeV line, and agrees with the values found using 2.223 MeV fluence values.
If  we utilize EGRET data at 100 MeV and between 4-7 MeV (figures 4 .19-21), 
we find aT  ~ 0.08 (Murphy et al. 1987). This is an order of magnitude higher than values 
mentioned above. This high value may be due to an over estimate o f the emission at 100 
MeV, and w ill not be used until EGRET data are reanalyzed. Until then, we use s ~ 4.5 
and aT ~ 0.008.
Adopting the power law spectral form, we see from Ramaty et al. (1975) that 
dN'(E)/dE = A ' E"4 5 where dN'(E)/dE is the total number o f accelerated particles per unit 
energy and A ' is a constant. The total number o f protons with E > 30 MeV given a 
spectral index y = -4.5, $2,223 = 8.4 photons/cm2, nn = 1 cm'3 and 3He/H = 5 x 10"5, is 
given by N '(> 30 MeV) = 5.6 x 1031 (Ramaty et al. 1975, fig 19). Since
we find A ' = 4.19 x 1037 protons/MeV. The total proton energy is then given by:
N(E>30MeV) = |  ^ 3 d E
E„(>30M e V )= f
J  30
A 'E ^E d E  = 3 .4 x l0 UMeV
= 5.4 x 10” ergs.
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
119
This is a lower lim it to the energy content of accelerated protons. This result is in 
agreement with the value of 7 x 1027 ergs for E > 30 MeV found by Kawabata et al 
(1994a,b).
The total energy of the white-light emission is on the order of 103° ergs (Hudson 
et al. 1992). The total energy content for particles > 1 MeV is of the same order 
(Kawabata et al. 1994 a,b). However, protons with E < 50 MeV and electrons with E < 4 
MeV cannot penetrate deeper than the chrosmosphere (Ryan et al. 1983). Assuming 
white-light emission is generated in the photosphere, energetic particles contain 
insufficient energy require to produce the observed white-light emission. Energy must 
therefore be transported to the photosphere through other mechanisms, e.g. wave 
interactions.
> 10 MeV Emission
EGRET data above 10 MeV provide us additional information on high-energy 
protons. The EGRET spectra for each phase (impulsive, post-impulsive, and the whole 
event; figures 4.19a -4.21a) show an excess of emission near 100 MeV, a classic 
signature of pion emission (c.f. Chapter I). Pion emission is due to energetic protons that 
play a part in energetic neutron production. This pion emission may continue through the 
decay phase, though we are reanalyzing the data to confirm this. The 15 November 1991 
event was a significant white-light flare, suggesting that very energetic particles (protons 
and neutrons) reached the photosphere.
Composite spectra for the impulsive and post-impulsive phases are shown in 
figures 4.19a and 4.20a along with the spectrum for the whole event (22:36:36 - 22:50:53
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
120
UT) (figure 4.21a.). These spectra bring together data from BATSE, COMPTEL, and 
EGRET.
The EGRET spectra are inconsistent with the COMPTEL spectra, particularly 
between I and 10 MeV. These inconsistencies can be seen in figures 4.19b -  4.21b. 
EGRET data are generally higher than those from COMPTEL and the data agree best 
during the impulsive phase (figure 4.19b). This difference may be due to background 
effects in the EGRET data, another reason to investigate the EGRET data analysis 
further.
The BATSE spectra agree well with COMPTEL spectra during the impulsive 
phase and the whole event. The BATSE signal to noise ratio for the impulsive phase was 
nearly 6 orders of magnitude for 30 < E < 300 keV (during the decay phase, this ratio 
approached unity). Therefore, during the impulsive (and subsequently the whole event), 
fluctuations in background counts had little effect on the total BATSE count rate.
During the post-impulsive phase, the BATSE spectrum is a factor of two higher 
than the COMPTEL spectrum. This may be due to BATSE’s lower signal to noise ratio 
during the post-impulsive phase and at higher energies (> 300 keV). We may be able to 
achieve better agreement between BATSE and COMPTEL data with more careful 
BATSE background subtraction.
Summary
Data from instruments on the CGRO have made it possible to extract new 
information about the high-energy processes taking place in this flare. These new results 
provide further constraints for the three models discussed in Chapter V  and are 
summarized below.
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•  We find a neutron time constant of r  = 26*“  s. This value is marginally 
consistent at the 2a level with the lowest values measured from other flares ( t  ~ 
70s). A low time constant implies that neutron capture is taking place in a region 
of high H density (e.g., the photosphere) or in a region of 3He enhancement.
•  The accelerated ion spectrum above 0.6 MeV is proportional to ET4 5, with a 
proton energy content above 30 MeV o f 5.4 x 1027 ergs.
• The accelerated electron spectrum above 170 keV is proportional to ET4 6, with an 
energy content of 6.6 x 1023 ergs.
•  Neither the accelerated electrons nor ions have enough energy to produce the 
observed white-light emission. Either energy is transported to the photosphere 
through another mechanism (i.e., waves) or a mechanism exists such that white- 
light emission is produced in optically thin regions such as the chromosphere.
•  Nuclear lines are present in the spectrum, indicating particles are precipitating to 
the footpoints, which contain higher concentrations of heavier solar elements.
•  No significant broad line component is observed in the COMPTEL spectrum 
between 1 -1 0  MeV. Therefore nuclei (e.g. C, N, O) are not abundant in the 
accelerated ion spectrum
•  The aT value derived from EGRET data is an order o f magnitude higher than 
values derived with data from other instruments. EGRET spectra are also 
inconsistent with COMPTEL (and BATSE) spectra. These factors suggest that 
EGRET data need to be re-analyzed.
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•  Possible pion emission detected by EGRET supports the presence o f energetic 
neutrons and protons. EGRET data, once re-analyzed, w ill be able to tell us more 
about presence o f high-energy particles during the decay phase.
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Figure 4.19 a (top): Composite spectrum 
of the impulsive phase including BATSE 
(dashed), COMPTEL (solid), and 
EGRET (circles) data. The BATSE data 
provide a Bremsstrahlung continuum. 
The nuclear component above this 
continuum is evident in the COMPTEL 
data. EGRET data show high-energy 
emission near 100 MeV from pion 
decay.
Figure 4.19 b (bottom): Comparison of 
COMPTEL (squares) and EGRET 
(circles) fluxes. EGRET error bars are 
contained within the filled circles. These 
data agree best near 2 MeV.
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Figure 4.20 a (top): Same as figure 
4.18 a, but for the post-impulsive 
phase.
Figure 4.20 b (bottom): Same as figure 
4.18 b, but for the post-impulsive 
phase. The COMPTEL data in this 
case are consistently lower than the 
EGRET data.
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Figure 4.21 a (top): Same as 
figure 4.18 a, but for the whole 
event.
Figure 4.21 b (bottom): Same as 
figure 4.18 b, but for the whole 
event.
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CHAPTER V
DISCUSSION
Our current picture of solar flares (including the 15 November 1991 event) 
includes an energy release resulting in accelerated electrons and ions that are transported 
along a coronal loop structure and often precipitate to the denser chromosphere and 
photosphere. This process results in radio to gamma-ray emission and the release o f high- 
energy particles such as neutrons.
The path o f these particles through the coronal loop and their interactions with the 
lower solar atmosphere result in radio to gamma-ray emission with temporal, spectral, 
and spatial properties that provide clues to the transport and interaction environments.
Extensive studies of soft and hard X-ray (SXR; HXR) imaging data from the 15 
November 1991 flare provided us with details of the magnetic morphology of the event. 
Combined with temporal and spectral studies we can begin to understand the mechanics 
o f the 15 November 1991 solar flare. During the impulsive phase of this event, our 
current understanding is that a rising acceleration region is formed by interacting loops. 
The particles are then transported along the loop and to the footpoints. Our goal in this 
chapter is to build a model that explains the dynamics of the particle transport during the 
impulsive phase. We use observations presented in Chapters III and IV  as model 
constraints. Two separate transport models have already been applied to this flare with 
some success, and we now apply a third with encouraging results.
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We begin this chapter with a summary of the main observations from Chapters III 
and IV . This is followed by a general explanation of two models (partial precipitation 
(trap) and dissipative conduction front) and the extent to which they succeed with respect 
to the 15 November 1991 solar flare (Sakao 1994; Sakao et al. 1992). We then introduce 
the model developed by Ryan and Lee (1991) which allows us to apply several o f the 
observational constraints, and is built on realistic assumptions that collisions and 
turbulence are present in the flare. We discuss the limitations o f this model, and conclude 
in Chapter V I (Conclusions) with a discussion of the implications and suggestions for 
future work.
Model Parameters
The most relevant observational features for testing these three models of 
transport and precipitation o f particles during the impulsive phase of the 15 November 
1991 solar flare are:
•  Source A was consistently brighter than source B in HXR.
•  HXR footpoints were simultaneous within 0.1 s.
•  Footpoint sources were separated by -13", leading to a loop length of 15.3 x
103 km.
•  A single SXR (loop) source lay between two HXR footpoints.
•  The rise and decay times within the peaked structure range between 1 -1 1  s.
•  Radio emission peaked during the impulsive phase.
•  The proton spectrum is ocE-4 5 above 0.6 MeV.
•  The electron spectrum is «E~*6 above 170 keV.
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Source A was brighter and exhibited a weaker (+100 ± (10 -  20) Gauss) magnetic 
field than source B (>400 ±  40 Gauss). However, for the three models we discuss, we 
assume a constant magnetic field that may exhibit small fluctuations (SB). In the absence 
of a well-determined acceleration mechanism, we assume a mechanism exists so that we 
can focus on particle transport.
Other information such as local abundances, nuclear line and white-light 
emission, 2.223 MeV decay time, temperature, and emission measure are not direct 
model parameters in this case. However, the presence of gamma-ray and white-light 
emission, along with a possibly short 2.223 MeV decay time, indicates that high-energy 
particles are present throughout the coronal loop and are precipitating to the footpoints.
The motion of the X-ray footpoints and the presence of thermal plasma between 
the footpoints support a “loop-cusp” morphology (figure 1.4) for the 15 November 1991 
flare. Therefore, we model the flare as a simple loop o f length L with an X-type 
reconnection site somewhere along the loop that is the injection point for accelerated 
particles. The spiky nature of the impulsive phase of the 15 November 1991 solar flare 
may be indicative of three separate acceleration sites, intermittent reconnection at the 
same site, or it may be due to the transport environment within this flare.
The simplest transport model for electrons and ions is a collisionless plasma 
where SB = 0. Charged particles gyrate around B field lines as they propagate through the 
loop, emitting synchrotron radiation. Although we do see significant radio emission 
during the impulsive phase of this flare, we also see X-ray bremsstrahlung emission, that 
cannot be produced in a collisionless plasma. Therefore any model applied to this flare 
must include collisions.
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Partial Precipitation (Trap) Model
The partial precipitation model (Melrose and Brown 1976; Kiplinger et al. 1983) 
includes Coulomb collisions, excludes turbulence, and assumes a constant magnetic field. 
The basic idea behind this model is that electrons are accelerated and subsequently 
trapped by magnetic mirrors within the loop. In this trap particles can collide, causing 
some to precipitate out to the chromosphere and photosphere.
In the weak scattering limit, most of the accelerated electrons remain in the trap. 
The electron precipitation rate to the footpoints is proportional to the collision rate (tc'1). 
Since the collision rate is proportional to E*3/z, higher energy particles have a lower 
precipitation rate than low energy particles (Sakao 1994). If  this were the case in the IS 
November 1991 flare, we would not see any hard X-ray footpoint or gamma-ray 
emission, contrary to observations.
In the strong scattering limit, where particles are able to scatter within, and out of, 
the trap, the precipitation rate is proportional to E>/2 if the mean free path (X) between 
collisions is constant. Therefore, high-energy electrons more quickly precipitate to the 
footpoints. The particles within the trap can produce the observed SXR loop emission for 
the IS November 1991 event and the high-energy particles that escape the trap can 
produce the observed HXR and white-light footpoint emission. However, to generate the 
necessary level of scattering in this limit, a mechanism such as turbulence must be 
present.
The following models incorporate both collisions and turbulence. One model is 
thermal, the other non-thermal.
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Dissipative Conduction Front Model
In this thermal model with a constant B field, energy release near the loop top 
forms a pair o f conduction fronts, each separating hot, thermal plasma (Te > 10®K) from 
cold plasma. These fronts move downward to the footpoints at the ion acoustic velocity Vj 
= (kTe/mp)I/2 (Batchelor et al. 1985; Machado 1991). Given Te ~ 10®K, we compute Vi = 3 
x 10'3c = 1000 km/s.
Accelerated electrons with v < 3vm are confined between the fronts by turbulence, 
increasing the scattering rate and decreasing the rate of diffusion (Sakao et al. 1992). This 
keeps the loop density high, allowing for Coulomb collisions and observable SXR 
continuum loop emission. The high-energy electrons in the tail (v > 3vth) of the 
Maxwellian distribution (recall this is a thermal plasma) escape the conduction front and 
precipitate to the footpoints producing HXR, and possible white-light emission.
At the peak of impulsive HXR emission, the conduction fronts hit the solar 
atmosphere. Therefore, particle injection (and front formation) occurs at valleys in the 
emission. Front travel times down the loop are then given by the rise time of the 
impulsive emission, which on the large peaks (e.g. P3) is on the order of 7 s. I f  the 
conduction fronts travel at the ion acoustic speed during these 7 s, the total loop length is 
approximately 14 x 103 km. This agrees with the loop length of 15 x 103 km derived from 
the 13" footpoint separation.
This model assumes that the conduction fronts travel at the same speed on either 
side of the injection site. Therefore, to satisfy the 0.1 s simultaneity of emission between 
the footpoints, this site must be nearly at the apex o f the loop. This particle injection 
location would also result in footpoints of similar brightness. However, we know from X-
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ray images of the IS November 1991 solar flare that one footpoint is consistently brighter 
than the other.
The conduction front model can explain the SXR loop and HXR footpoint 
emission, as well as the simultaneity of footpoint emission. However it is not able to 
adequately explain the difference in footpoint intensity given a constant B field unless we 
introduce magnetic mirroring (figure 3.8). We now introduce another model that is able 
not only to account for footpoint simultaneity but also differences in footpoint brightness 
within a constant magnetic field. With this model we are also able to estimate the level of 
turbulence in the loop and suggest possible injection sites of accelerated particles.
Rvan and Lee Model
The Ryan and Lee (1991) model is a non-thermal model and is based on aone 
dimensional spatial diffusion equation with an energy dependent diffusion coefficient 
and a Coulomb energy loss term. We assume a straight loop of length L, whose ends 
correspond to the chromospheric footpoints. We assume that particles are injected into 
the loop at x' and can be affected by pitch angle scattering in a turbulent MHD wave field 
and/or Coulomb collisions. The particle transport is in one dimension with no diverging 
or converging magnetic field lines. We assume the flare loop has uniform density and is 
closed, with no loss of particles into interplanetary space.
The diffusion equation in ID  is
where f = f(x,x',t,E) is the omnidirectional particle distribution function 
(particles/cm/MeV), k(E) is the energy dependent spatial diffusion coefficient (cm2/s),
and E(E)(MeV/s) is the energy loss rate due to collisions.
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The injection function (at t = 0 and x = x7) Q is given by
Q=8(x-x')8(t)S(E)
where S(E) is the input particle distribution at t = 0, generally of the form E's with units 
ofMeV*'.
The solution for ftx,x',t,E) (particles/MeV/cm) is found using a Laplace 
transformation in time and expanding in eigenfunctions in position, yielding
f<x,x',t,E) = 1  S{E'(E,0) X  sin(nm tl)sinpp ) .
E'(E, t) is the particle energy projected back in time (beginning with t = 0) and is found 
through the energy loss expression
t=f_de_
Jr t o ) ’
tlm(E,E'(t)) is given by
The total population density N(E,E0 (particles/MeV) within the loop, proportional 
to soft X-ray emission, is
N(E,E'(E,t)) = £ f(x,x',t,E)dx = £ S (E '(E ,t))^  ^sin ( ^ ) * * > * * * .
The total flux F(E,E'(E,t)) of particles diffusing out to both footpoints (particIes/s/MeV) 
is given by
F(E,E-(E, t)) = f j l  <e) Vf(E,E'(E, t))| = m s i n ^ )  e 'J“ ” .
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The total dimensionless precipitation rate P(E, E'(E, t)) to the footpoints, which is 
proportional to hard X-ray footpoint emission, is given by
P(E, E'(E, t)) = £  ~ £|V f(m (E' 1)1 |T° = 4 . sinfmpl) e"-"™ '”
With this approach, we are also able to model the precipitation rate (and HXR emission) 
at each footpoint Po and Pl:
J < e ) V f ( E , E ' ( E , t ) ) | T D _ 2 S(EQ | y  . j m T t x ' )  -n JE X (E ..)) |"¥S(E)’IAms,nl— Je IP0(E ,E '(E ,t))- S(£) ^  rcS(E)
Pl(E, E'(E, t)) = ~^s(E)(E, t))|Tp = L?. m cos(m7t) sK inr :)
Spatial diffusion is a random walk process that is affected by turbulence and 
collisions. This diffusion is characterized by a diffusion time, to, dependent on the loop 
length and the diffusion coefficient k(E) such that:
This diffusion time is dependent on the frequency of collisions (Vcou) and the frequency of
particle interactions with the turbulence (v j. Therefore, the diffusion time is proportional
to (Tcon + Tt)/t roiiTr The Coulomb energy loss time, *o  is dependent on the energy loss of 
particles during collisions:
I f  a particle loses energy in a collision, it has also likely undergone a change in position. 
Therefore, tc«  Tcoii.
t  = £ |c Er
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
134
In order to characterize the transport conditions within the loop (e.g. how much 
turbulence or how many collisions are present), we introduce the parameter a  s  Td/Tc and 
vary the relative lengths of Tc and Td:
•  a  = 0 if Tc is long, i.e. there are negligible collisions. This simulates a tenuous 
coronal loop that is dominated by turbulence.
•  a  = 1 if  collision and diffusion processes are comparable, suggesting that both 
turbulence and collisions affect particle transport.
•  a  » 1 if  Tc is short (and Tt is long) suggesting a purely collisional plasma where 
8B ->0.
Precipitation rate, particle flux and number density are all functions of a. With the 
expressions for precipitation rate (P, Po, Pl), particle density (N) and values of a  we can 
model the behaviors of relativistic electrons as well as non-relativistic electrons and 
protons within a flare loop. Relativistic protons are not considered since GeV emission 
was not observed for this flare. The diffusion coefficients and the energy loss rates will 
be different for each particle species and are summarized in table 5.1.
Non Relativistic e* Relativistic e* Non Relativistic Protons
K(E) k~Ac/3 KoE1/2
dE/dt -a  E'M -a -a E 'n
E'(E, t) [E,J+ l.5 a t]M E + a t [E15 + I .Sat]273
Table 5.1: Summary of model parameters as a function of particle species.
In this work, we focus on the behavior of relativistic electrons (E =1 MeV), where 
the diffusion coefficient is independent of E and where the energy loss rate is 
constant. We assume a spectral index of s -  -  4.6 (consistent with the data) for injected 
high-energy electrons and focus on loop conditions where turbulence is present and
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collisions may play a role (a  =  0 and I). We apply observational constraints to the loop 
models where a  = 0 and I, and determine likely injection points and values of k.
We first compute the total precipitation rate to the footpoints as a function of 
injection point (x' = x/L), a, and time (units of to; figures 5.1 and 5.2). The total 
emission is brightest and lasts the least amount of time when the particle injection point is 
close to a footpoint We can compute rise and decay times from these profiles.
We next compute the precipitation rate to each footpoint as a function of injection 
point (x' = x/L), a, and time (units of To; figure 5.3 and 5.4). The brightest emission 
emanates from the footpoint nearest to the injection point. The longest time delay 
between peaks of footpoint emission occurs when the particles are injected far away from 
the apex of the loop. From these curves, we can compute footpoint simultaneity as well 
as relative brightness.
We do not specify a loop length until later. In figures 5.5 and 5.6, the open circles 
correspond to those values of k IL2 and x/L where the footpoints are simultaneous to 0.1 
s. The error bars span the time over which maximum emission occurs.
We know from Chapter III that footpoint A is as bright as footpoint B, while at times it 
was twice as bright. The values of tc /L2 and x/L that satisfy these conditions are 
constrained between the vertical plots in figures 5.5 and 5.6.
The last parameters we apply are the rise and decay times of total footpoint 
emission. The large scale rise and decay times are on the order of 7 s, but superimposed 
on these trends are smaller fluctuations on the order of 1 s (figure 3.6). I f  we require rise 
and decay times on this short time scale, we find values of k /L2 and x/L that are 
represented as the thick (decay) and thin (rise) curves in figure 5.5 and 5.6. These lines
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Figure S.l: Total footpoint precipitation rate as a function of time and injection point x'. 
a  = 0, therefore few collisions occur within the loop.
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Figure 5.2: Total footpoint precipitation rate as a function o f time and injection point 
x'. In this case, a =  I and both collisions and turbulence affect particle diffusion.
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Figure 5.3: Footpoint precipitation rate for a  = 0 as a function o f time and injection point x'. 
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Figure 5.4: Footpoint precipitation rate for a  = I as a function of time and injection 
point x'.
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Figure 5.5: k/L2 as a function o f injection point x' for a = 0. Three observational constraints 
are placed on these parameters: footpoints are simultaneous to 0.1 s (open circles), rise and 
decay times occur on the order of 1.0 s (thick and thin curves), and one footpoint is brighter, if  
not twice as bright as the other (two vertical lines).
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Figure 5.6: k/L2 as a function injection point x' for a  = 1. The observational constraints are the 
same as those in figure 5.5.
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move down the plot (i.e. k  IL2 decreases) as rise and decay times lengthen.
With these constraints, we find that
•  For a  = 0,0.019 < k  /L2 < 0.225 s'1 and 0.42 < x/L < 0.5.
•  For a  *  1 ,0.01 < k IL2 < 0.066 s*‘ and 0.445 < x/L < 0.5.
I f  we assume a loop length of 15 x 103 km during the impulsive phase, our values 
for k  and to are
•  a  = 0, k  = 4.3 x 1016 -  5.1 x 1017 cm2/s; t d = 1.41 -16.8  s.
•  a  = I, k = 2 x 1016 - 1.5 x 1017 cm2/s; t D = 4.82 -  31.9 s.
I f  we go back to the original expression for k  given relativistic particles (table 
5.1), we know that k  ~ Ac/3. I f  tc » 1017 cm2/s, then A. = 10 km and X/L = 10'3.
The Ryan and Lee (1991) model is able to explain many of the observations from 
the 15 November 1991 solar flare. In addition, the model allows us to extract detailed 
information about the processes taking place in the flaring region -  the source location of 
injected particles, the level of turbulence and Coulomb interactions, etc. As a first step we 
focussed on relativistic electrons, however the model is flexible enough to model other 
particles as well. In the next chapter we discuss the implications of this study and 
comment on future work.
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CHAPTER VI
CONCLUSIONS
Our goals for this dissertation were to add to the extant body of knowledge of the 
15 November 1991 solar flare by introducing new high-energy data from the CGRO and 
by applying the Ryan and Lee (1991) model to the impulsive phase emission.
The CGRO data allowed us to confirm previous results and to compute the 2.223 
MeV time constant. In Chapter IV  (New high-energy results) we computed accelerated 
particle spectra using BATSE and COMPTEL data, and the subsequent energy content of 
accelerated electrons and protons. We have more data available from EGRET that, once 
reanalyzed, can help us further improve our understanding of the high-energy particle 
dynamics within this flare. I f  EGRET does observe extended pion emission (above 60 
MeV) through the decay phase, we have further evidence that high-energy protons are 
reaching deep into the chromosphere, possibly even the photosphere. This extended pion 
emission will also allow us to reclassify this event as a long duration gamma-ray flare.
The Ryan and Lee (1991) ID  diffusion model was able to explain many 
observations made during the impulsive phase of the 15 November 1991 solar flare. We 
found from modeling relativistic electrons in a constant magnetic field that turbulence is 
required within the loop. We also determined that under turbulent conditions (with or
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without coulomb collisions) the source of injected relativistic electrons is located near the 
apex of the loop.
This model has the potential to help us further explore the physical conditions 
within the flare and the behavior o f energetic particles. Up to this point, we have focussed 
on modeling the behavior of relativistic electrons. We need to study the behaviors of non- 
relativistic electrons and protons as well.
The collision frequency within the loop for non-relativistic electrons will be 
greater than the collision frequency for relativistic electrons. The non-relativistic electron 
population is therefore responsible for a majority of the SXR loop emission. We can 
model the transport conditions for these electrons by setting a  » 1. Combining 
observations of loop emission with the Ryan and Lee (1991) model will allow us to 
determine an order-of-magnitude estimate for density o f particles within the loop (e.g 
nn). These densities then allow us to further constrain the transport environment for 
relativistic electrons and non-relativistic protons.
Non-relativistic protons have higher energies (and masses) than non-relativistic 
electrons. However, the diffusion coefficients and energy evolution as a function of time 
for both populations have similar forms (table S.l). Since there are few examples of thin- 
target gamma-ray emission from the corona (Barat et al. 1994), we assume protons 
generally precipitate along the loop without losing much energy in Coulomb collisions 
(a  « 1). High-energy emission is produced once protons reach the denser chromosphere 
and photosphere.
A limiting assumption in the Ryan and Lee (1991) model is that there is no 
magnetic field line convergence. Work by Kocharov et al. (1999) suggests if  a magnetic
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term were included in the ID  diffusion equation, we may be able to explain the difference 
in footpoint brightness without restricting the injection point as much as we have. 
Kocharov et al. (1999) quantify the effect of magnetic minors (c.f. figure 3.8) and find 
that the presence of converging B field lines decreases the precipitation rate of energetic 
particles to the footpoints. Therefore, the source with the stronger B field should also be 
dimmer, a phenomenon evident in Yohkoh SXR and HXR images of the 15 November 
1991 solar flare.
The 15 November 1991 solar flare was unique because not only was it observed 
in a broad energy range, but detailed X-ray images were also available. The HESSI 
satellite (slated for launch in 2001), along with Yohkoh will provide observations of more 
high-energy flares that include high resolution temporal, spectral, and spatial information. 
With comprehensive studies like the one done on the 15 November 1991 event, we can 
continue to unfold the dynamics of energetic particles in solar gamma-ray flares.
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APPENDIX A
The eight BATSE detectors are parallel to the faces of an octahedron. The angle 
between the normals of each detector (or octahedron face) can be found through 
geometry described in Coxeter, 1969, and is summarized below.
A  regular octahedron has the following properties:
•  It has 8 faces (F), 12 edges (E), and 6 vertices (V), consistent with Euler’s 
equation: V-E+F=2.
•  This regular octahedron can be represented by the SchlSfi symbol used 
when the geometric shape has p-gonal faces, q at each vertex. Through the 
relation q V= 2E=pF we find that p=3 and q=4 for an octahedron.
•  The sphere internal to the octahedron that touches each face at its center is the 
insphere. It follows that the radius drawn from the center of the insphere 
outward through its contact face is normal to that face (e.g. normal vector n, 
corresponds to detector /.) The angle between this normal and the vector to the 
Sun is the sun position angle 6 that is necessary to determine the effective area 
of each detector.
•  The angle between adjacent faces is determined by the dihedral angle Q, 
related to p  and q by
Q = 2arcsin
Reproduced with permission of the copyright owner. Further reproduction prohibited without permission.
144
Given our values of p  and q, we find ft =  109.5*. The angle 4* formed by the two 
normal vectors of adjacent faces is found by
4» =  360* -  2 * 90* -109.5*, or4, = 70.5*.
This is the angle between any normal vectors of adjacent faces.
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